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ABSTRACT

Observations indicate that outflows from massive young stars are more collimated during their early evolution
compared to later stages. Our paper investigates various physical processes that impact the outflow dynamics, i.e.,
its acceleration and collimation. We perform axisymmetric magnetohydrodynamic (MHD) simulations particularly
considering the radiation pressure exerted by the star and the disk. We have modified the PLUTO code to include
radiative forces in the line-driving approximation. We launch the outflow from the innermost disk region (r < 50 AU)
by magnetocentrifugal acceleration. In order to disentangle MHD effects from radiative forces, we start the
simulation in pure MHD and later switch on the radiation force. We perform a parameter study considering different
stellar masses (thus luminosity), magnetic flux, and line-force strength. For our reference simulation—assuming a
30 M� star—we find substantial de-collimation of 35% due to radiation forces. The opening angle increases from
20◦ to 32◦ for stellar masses from 20 M� to 60 M�. A small change in the line-force parameter α from 0.60 to
0.55 changes the opening angle by ∼8◦. We find that it is mainly the stellar radiation that affects the jet dynamics.
Unless the disk extends very close to the star, its force is too small to have much impact. Essentially, our parameter
runs with different stellar masses can be understood as a proxy for the time evolution of the star–outflow system.
Thus, we have shown that when the stellar mass (thus luminosity) increases with age, the outflows become less
collimated.
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1. INTRODUCTION

Outflows and jets are integral processes of star formation.
They are believed to be essential for the angular momentum
evolution of the cloud core and the protostar—either directly
as stellar winds or indirectly by changing the structure and
evolution of the surrounding accretion disk. Outflows from
young stars also provide an important feedback mechanism for
returning mass and energy into the ambient medium from which
the young star is born.

Most of the current understanding about the formation and
propagation of jets/outflows comes from observations of low-
mass stars. In this case, we are fortunate to know the leading
dynamical parameters such as outflow velocity, density, and
temperature (e.g., Hartigan & Morse 2007; Ray et al. 2007). In
the case of massive young stars many of these parameters are
poorly known, although large multi-wavelength studies for mas-
sive star-forming regions have been done over the last decade
(Beuther et al. 2002a; Stanke et al. 2002; Zhang et al. 2005;
López-Sepulcre et al. 2009, 2010; Torrelles et al. 2011). These
studies suggest that outflows are an ubiquitous phenomenon
not only for low-mass stars, but also in massive star-forming re-
gions. Magnetohydrodynamic (MHD) simulations following the
scenario of tower jets along the cloud collapse have also been
published, however, only resulting in low velocity out flows
(e.g., Banerjee & Pudritz 2006; Machida et al. 2008; Seifried
et al. 2011).

The standard framework for the launching process of jets or
outflows from low-mass protostars (and most probably also for
extragalactic jets) is the model of a disk wind accelerated and
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collimated by magnetocentrifugal and MHD forces (Blandford
& Payne 1982; Pudritz et al. 2007). A number of numerical sim-
ulations of jet formation which all confirm this picture of self-
collimated MHD jets for low-mass stars have been performed
(Ouyed & Pudritz 1997; Krasnopolsky et al. 1999; Fendt &
Čemeljić 2002; Ouyed et al. 2003; Fendt 2006, 2009). Its appli-
cability has also been demonstrated for the case of extragalactic
jets (e.g., Komissarov et al. 2007; Porth & Fendt 2010).

The formation of the jets around young, still forming high-
mass stars takes place in the deeply embedded cold dust and
gas cocoons exhibiting large visual extinction of the order of
100–1000 mag (Arce et al. 2007). Recent progress in obser-
vations of outflows from young high-mass stars comes from
mm and cm wavelengths. Early low-spatial-resolution single-
dish studies suggested that massive outflows may have a lower
collimation degree than those of their low-mass counterparts
(Shepherd & Churchwell 1996). Also, one of the famous out-
flows, the Orion–KL system, exhibits a more chaotic and not
collimated structure (e.g., Schulz et al. 1995). However, later
studies indicated that the collimation degree of jets from high-
mass protostars can be as high as that from low-mass regions
(e.g., Beuther et al. 2002a, 2002b; Gibb et al. 2003; Garay et al.
2003; Brooks et al. 2003; Beuther et al. 2004; Davis et al. 2004).
Typical outflow rates in high-mass systems are estimated to be
a few times 10−5 to 10−3 M� yr−1, implying accretion rates on
the same order of magnitude (e.g., Beuther et al. 2002b).

The originally puzzling result that different studies found
different degrees of jet collimation for high-mass star-forming
regions could qualitatively be resolved when it was realized that
these studies in fact targeted different evolutionary stages. While
jets found in the youngest star-forming regions appear simi-
larly collimated as their low-mass counterparts, jets from more
evolved (massive) stars exhibit much broader outflow cones.
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To account for this effect, Beuther & Shepherd (2005) proposed
an evolutionary picture for high-mass outflows, where the jet
formation starts with similar MHD acceleration processes com-
pared to the low-mass models during the earliest evolutionary
stages. However, as soon as the central sources gain significant
mass, other processes come into play, for example, the radia-
tion from the central star or more turbulence at the base of the
jet. Any combination of this and other processes was expected
to lower the degree of collimation. However, the evolutionary
sequence proposed by Beuther & Shepherd (2005) was largely
observationally motivated and could only provide a qualitative
explanation. A thorough theoretical treatment to account for this
observational result is still missing—a topic we address in the
present paper.

How the radiation field affects the formation of a jet is not
obvious a priori. In order to quantify and to disentangle the
physical processes involved, a detailed numerical investigation
is required. Essentially, stellar (and disk) radiative forces may
affect jet acceleration and collimation directly (neglecting ion-
ization, heating, and probably turbulent stirring for simplicity),
but also indirectly by changing the physical conditions of the jet
launching area, thus governing the mass loading or the initial en-
tropy of the ejected jet material. For example, numerical MHD
simulations have shown that jets with higher (turbulent) mag-
netic diffusivity are expected to be substantially less collimated
(Fendt & Čemeljić 2002).

Our previous studies (Vaidya et al. 2009) have shown that
the inner accretion disk around massive protostars is ionized,
has a high temperature, and is sufficiently gravitationally and
thermally stable in order to provide a suitable launching area for
an outflow. Together with the recent observations of magnetic
fields around high-mass protostars (e.g., Vlemmings 2008;
Vlemmings et al. 2010; Girart et al. 2009), this indeed supports
the picture of a scaled-up version of low-mass stellar jet
formation.

In this paper, we will present a detailed investigation of how
a strong radiation field impacts the structure and dynamics of
an MHD-driven jet. Motivated by the presence of strong jets
and outflows in massive star formation, we apply the standard
picture of MHD jet formation known for astrophysical jets and
put it in the physical environment of a massive young star.

2. MODEL SETUP: JET FORMATION FROM
MASSIVE YOUNG STARS

In this section, we discuss the model setup applied for our
numerical study concerning the formation of jets and outflows
from massive young stars. We are going to consider the main
features of the standard model of MHD jet formation, which is
well established for low-mass young stars, or active galactic
nuclei (AGNs) also for high-mass young stars. Our model
consists of the following essential ingredients (see Figure 1):

1. A central massive young star that is rapidly evolving in
mass M∗, luminosity L∗, and radius R∗.

2. A surrounding accretion disk with a high accretion rate,
estimated to be of the order of Ṁ � 10−3 M� yr−1.

3. A jet launching inner accretion disk. The extension of
this area toward the star is not known and may depend
on the existence of a strong stellar magnetic field and
stellar radiation pressure. Instead of introducing an inner
disk radius Rin,disk, we will refer to an inner jet launching
radius Rin,jet, which we presume to be between 0.1 and
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Figure 1. Sketch showing our model setup of the inner regions around a massive
young star. Several constituents are considered: the disk outflow (dashed arrows)
is launched along the magnetic flux surfaces. The innermost launching point is
denoted by Rin,jet. This outflow is subject to radiation forces (white arrow) from
the star and (potentially) from an inner hot accretion disk. The stellar radius
R∗ could be as large as ∼100 R�, while the stellar magnetic field structure and
strength B∗ is rather uncertain. The location of an inner disk radius Rin,disk (if
existent) is also not known.

1.0 AU, and to which the length scale of the simulation will
be normalized l0 = Rin,jet.

4. A magnetic field around the protostellar object. Magnetic
fields are essential for generating collimated high-speed
outflows. There exists observational indication for such
fields around high-mass protostars.

5. A strong radiation field of the high-mass young star, which
may influence accretion and ejection processes. In cases in
which the accretion disk reaches down to radii close to the
stellar surface (no gap as in the case of low-mass stars), the
high disk luminosity may also play a role in the outflow
dynamics.

In the following, we briefly discuss the observational and
theoretical background of these constituents and finally mention
the limits of our model and possible model extensions (a more
detailed discussion is provided before the summary).

2.1. The Central Massive Young Star

It has been proposed that outflows from massive young stars
may follow an evolutionary sequence such that outflows tend
to be more collimated and similar to jets from low-mass stars
in the early stages of stellar evolution, whereas at later times
the outflows are less collimated (Beuther & Shepherd 2005).
Since this intrinsically corresponds to an evolutionary sequence
in stellar mass, we have investigated simulations with different
central masses, ranging from 20 M� to 60 M�.

A higher stellar mass automatically gives rise to a faster out-
flow (supposing the relative launching radius is the same), just
because the outflow originates deeper in the gravitational well.

2.2. The Accretion Disk and the Jet Launching Area

Jets from low-mass stars are thought to be launched from
less than 1 AU of the inner accretion disk (e.g., Anderson et al.
2003; Ray et al. 2007). In T Tauri stars, these regions could be
well studied via NIR interferometry (e.g., Akeson et al. 2000,

2



The Astrophysical Journal, 742:56 (21pp), 2011 November 20 Vaidya et al.

2005; Dullemond & Monnier 2010). However, to probe regions
�100 AU around a young high-mass star is difficult due to the
large degree of extinction. We therefore studied this region via
semi-analytic modeling in a previous paper (Vaidya et al. 2009)
to understand the physical properties of such disks. We have
shown that here the disk may reach high temperatures ∼105 K,
leading to sublimation of most of the dust and ionizing the bulk
of the material.

The inner disk radius in the case of low-mass stars is
usually estimated assuming magnetic pressure balanced with the
accretion ram pressure. Typical values are ∼3–5 R�. For young
massive stars, such an estimate is not possible due to lack of
knowledge of stellar magnetic fields during the formation stage.
In addition, radiative force from the bright luminous massive
star could influence dynamics of the inner disk. Although our
semi-analytic modeling indicated that the disk could extend right
down to the central star, detailed three-dimensional models with
accurate radiative treatment are required to gain more insight
into these close regions.

We have chosen an inner launching point at a distance of
l0 = 1 AU from the star (i.e., similar to low-mass stars). A value
of l0 < 0.1 AU would imply a high rotation speed and a deep
potential well, resulting in a faster outflow. At the same time, the
jet launching part of the disk would be much hotter and possibly
result in a higher contribution to the radiation force from these
hot inner parts. At the other extreme, large jet launching radii
l0 > 10 AU will result in slow outflows that are barely affected
by stellar and disk radiation forces.

The density ρ0 at the inner launching point is used for physical
scaling. We estimate ρ0 from the observed mass fluxes, which
are typically of the order of 10−3–10−5 M� yr−1, providing
ρ0 � 10−13–10−15 g cm−3 (Section 5.3).

2.3. The Magnetic Field

For many years the role of magnetic fields in massive star
formation was not really known. However, recent observations
have detected relatively strong magnetic fields in massive star-
forming regions (Vlemmings 2008). Polarimetric observations
of the hot massive molecular core HMC G31.41 have revealed
a large-scale hourglass-shaped magnetic field configuration
(Girart et al. 2009). Beuther et al. (2010) detected a magnetic
field aligned with the molecular outflow via polarimetric CO
emission. Further observations have detected synchrotron emis-
sion from the proto-stellar jet HH 80-81, indicating a ∼0.2 mG
magnetic field in the jet knots while the stellar mass of ∼10 M�
is in the range of massive stars (Carrasco-González et al. 2010).

Vlemmings et al. (2010) have measured magnetic field
strengths using polarization by 6.7 GHz methanol masers around
the massive protostar Cepheus A HW2 and derived a line-of-
sight (LOS) magnetic field strength ∼23 mG at a distance of
300–500 AU from the central star. The magnetic field strength
is parameterized by the plasma beta, β0, which is the ratio
of the thermal gas pressure to the magnetic pressure at the
inner launching point l0. Our simulations are so far limited to
1 < β0 < 10 by numerical and physical reasons. This translates
into field strengths at 1 AU of ∼100 times weaker than those
estimated by conserving magnetic flux using observed values at
300 AU.

Note that it is not only the field strength but also the field
distribution that affect the jet formation process, as was shown
by Fendt (2006) by MHD jet formation considering a wide
parameter set of magnetic field and mass flux distribution along
the jet launching area. As a result, simulations applying a

Table 1
Summary of the Dimensionless Parameters to Study the Impact of

Radiation Forces on the Outflow Dynamics

Parameter Definition

Eddington ratio Γe ≡ σeL∗
4πcGM∗

(proxy for stellar luminosity)

Luminosity ratio μ ≡ Lacc
L∗ = GM∗Ṁacc

R∗L∗
(proxy for disk luminosity)

Radius ratio Λ ≡ R∗
l0

(proxy for stellar radius)

Initial plasma beta β0 ≡ 8πP0
B2

0

(proxy for magnetic field strength)

Line-force parameters Q0 and α Prescribes M(T ) using Equation (8)

concentrated magnetic flux profile tend to be less collimated.
We apply as initial field distribution the standard potential field
suggested by Ouyed & Pudritz (1997; Section 4.2). A central
stellar dipolar field (see Figure 1) is not (yet) supported by
observations.

2.4. The Stellar and Disk Luminosity

The massive young star produces a substantial luminosity,
which is supposed to dynamically change the outflow structure.
The dependence of the radiation force on stellar luminosity is
parameterized by the Eddington ratio Γe, defined as the ratio of
radiation force due to electron scattering to the central gravity
(see Table 1). The characteristic values of this dimensionless
parameter are obtained from the stellar evolution model of
Hosokawa & Omukai (2009). In order to study the impact of
radiation forces on the dynamics of outflows, we first launch a
collimated jet from a disk wind via MHD forces. Then, after
the pure MHD jet has achieved a steady state, we initiate the
radiation forces and then compare their impact on the MHD
jet. Simulations in which the radiation forces are considered
from the beginning (which are computationally much more
expensive) end up with a final structure of the outflow similar
to the one obtained from the step-by-step method.

We prescribe the radiation force by the line-driving mecha-
nism introduced by Castor, Abbott, & Klein (CAK). Such a force
is parameterized by two physical parameters k and α. The value
of k is proportional to the total number of lines. The quantity α
can be considered a measure for the ratio of acceleration from
optically thick lines to the total acceleration (Puls et al. 2000).
Depending on the selection of lines, for massive OB stars typ-
ical values obtained for k range from 0.4–0.6, while α ranges
between 0.3 and 0.7 (Abbott 1982). The process of line driving
has also been applied to cataclysmic variables (CVs; Feldmeier
& Shlosman 1999), as well as to hot and luminous disks around
AGNs (Proga et al. 2000; Proga & Kallman 2004).

Proga (2003) carried out numerical simulations of driving
winds from hot luminous magnetized accretion disks of AGNs,
assuming spherical geometry, an isothermal equation of state,
and an initially vertical magnetic field structure. Here we
consider a potential field, which is hour-glass shaped, and an
adiabatic equation of state.

2.5. Limitations of Our Model Setup

Our paper, for the first time, provides a quantitative study of
the interplay between radiative and MHD forces on outflows
launched from the vicinity of young massive stars, applying
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high-resolution axisymmetric numerical simulations. However,
a few critical points can be raised which may limit the applica-
bility of our model and which should probably be considered in
forthcoming investigations.

From the general point of view there is a lack of true
knowledge concerning a number of important parameters, as
discussed above. One important question is the location of the
inner jet launching radius. If it is identical with an inner disk
radius, where is that inner disk radius located, if it exists at
all? Is there a strong stellar magnetic field that could open up a
gap between the stellar surface and the disk as it is known for
low-mass young stars?

Further, our disk model is taken as a boundary condition
steady in time. As the star evolves, the disk structure and
accretion rate may also evolve in time. This question could only
be answered by simulations, solving also for the disk structure.
We do not explicitly incorporate heating and cooling but simply
consider the adiabatic expansion and compression in the jet.

Another question is the existence of a stellar wind. We know
that OB stars have strong mass loss in the form of stellar winds
during later stages of their lifetimes. The derived mass-loss rates
are typically of the order of 10−6 M� yr−1. These winds are
primarily radiation driven via the line-driving mechanism (e.g.,
Kudritzki & Puls 2000; Owocki 2009). The velocities derived
are high, ranging from ∼500–1000 km s−1, and are usually
supersonic. However, in the case of high-mass young stars, no
indication for such winds has been found so far, possibly due to
high obscuration. Nevertheless, a future study should implement
the physical effect of a central stellar wind.

3. BASIC EQUATIONS

For our study, we carry out axisymmetric numerical ideal
MHD simulations using the PLUTO code (Mignone et al.
2007). We have modified the original code to incorporate source
terms treating the line-driven forces from the central star and
disk, consistently taking into account the density and velocity
distribution of the outflow.

The MHD code considers the following set of equations,
which is the conservation of the mass, momentum, and energy,

∂ρ

∂t
+ (	v · ∇)ρ + ρ∇ · 	v = 0, (1)

ρ

(
∂ 	v
∂t

+ (	v · ∇)	v
)

= −∇P +
1

4π
(∇ × 	B) × 	B

− ρ∇Φ + ρ 	F rad, (2)

∂

∂t
(ρE) + ∇ ·

[
ρE	v +

(
P +

B2

8π

)
	v
]

− 	B(	v · 	B)

= ρ
[
−∇Φ + 	F rad

]
· 	v, (3)

where ρ is the gas density, 	v is the velocity vector, P is the gas
pressure, and 	B is the magnetic field vector with the poloidal
and toroidal components 	Bp, Bφ . In order to include the radiative
forces 	F rad, the relevant source terms have been added in the
momentum and energy conservation equation. The total energy
density of the flow E comprises contributions from the internal
energy ε, the mechanical energy, and the magnetic energy,

E = ε +
v2

2
+

B2

8πρ
. (4)

The gas pressure in the flow is related to the density assuming
an adiabatic equation of state with the adiabatic index γ ,

P = (γ − 1)ρε. (5)

The evolution of the magnetic field is governed by the
induction equation

∂ 	B
∂t

= ∇ × (	v × 	B). (6)

We treat the ideal MHD equations without considering resistive
terms.

In addition to the above set of equations, the code obeys the
condition of divergence-free magnetic fields, ∇ · 	B = 0, using
the constraint transport method.

3.1. Prescription of Radiation Forces

We do not explicitly consider radiative transfer; however, we
study the effects of momentum transfer by radiative forces on
the outflow matter, which is launched by MHD processes from
the underlying disk. The total radiative force 	F rad is comprised
of four contributions—the acceleration due to continuum radi-
ation from the star 	fcont,∗ and disk 	fcont,disk, respectively, and,
similarly, that due to spectral lines from the star 	fline,∗ and disk
	fline,disk, respectively,

	F rad = 	fcont,∗ + 	fcont,disk + 	fline,∗ + 	fline,disk. (7)

In the case of young massive stars, the stellar radiation is sub-
Eddington. This immediately implies that the continuum force
does not contribute to modifying the dynamics of the MHD
outflow, as its strength is far below the gravitational pull of the
central star. However, line forces could prove to be efficient
in substantially enhancing the continuum force by a so-called
force multiplier, which is subject to complex theoretical studies
of radiative transfer. This theory was first developed by Castor
et al. (1975), who solved the radiative transfer equations from
spectral lines in moving atmospheres. According to their studies,
the force due to line driving can be expressed as a product of
force due to continuum radiation and a force multiplier.

The force multiplier depends on two parameters: k and α.
A “general” parameterization for the force multiplier which is
independent of ion thermal velocities vth (see Equation (A2)
in Appendix A) has been introduced by Gayley (1995). In his
formulation, the parameter k, initially introduced by Castor et al.
(1975), has been replaced by a parameter Q̄, and the force
multiplier can be expressed as follows:

M(T ) = kT −α =
[

Q̄1−α

1 − α

( |n̂ · ∇(n̂ · 	v)|
σecρ

)α]
, (8)

where T is the optical depth parameter that depends on the LOS
velocity gradients (see Equation (A2)). The “strongest form” of
this parameterization requires the ansatz Q̄ = Q0, where Q0 is
the line strength of the strongest line.

Typically for evolved massive stars, the parameter Q̄ lies in
the range of 1000–2000 (Gayley 1995). For our present study,
we have applied the force multiplier considering this “general”
parameterization in its “strongest form.” Thus, we have the
two parameters Q0 and α, which define the force multiplier
(Equation (8)) and hence the line forces. For simplicity, we
assume constant values for these line-force parameters for
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a particular simulation run. One of the important properties
of the force multiplier M(T ) is that its values saturate to a
maximum value Mmax when the medium becomes optically
thin and the optical depth parameter approaches a minimum
value, T � Tmin. The typical value for the maximum force
multiplier is relatively constant, Mmax ∼ 103, depending only
on the metallicity (Gayley 1995).

The line force due to the central star is a product of the force
due to continuum from the star and the force multiplier,

	fline,∗ = 	fcont,∗M(T ). (9)

The most difficult part of the numerical realization of the
line forces is calculating the proper LOS velocity gradients
|n̂ · ∇(n̂ · 	v)| that appears in the formulation of the force mul-
tiplier (Equation (8)). Following the definition of this term by
Rybicki & Hummer (1978), we express this gradient in terms
of the rate-of-strain tensor eij,

n̂ · ∇(n̂ · 	v) =
∑
i,j

eijninj =
∑
i,j

1

2

(
∂vi

∂rj
+

∂vj

∂ri

)
ninj, (10)

where in general vi,ri, and ni are the components of velocity 	v,
distance 	r , and the unit vector n̂, respectively. The different com-
ponents of this tensor in cylindrical coordinates were calculated
from Batchelor (1967). Proga et al. (1998) approximated the
above sum to be equal to the most dominant term, correspond-
ing to the radial gradient of flow velocity along the spherical
radius. Simulations with a more accurate algorithm including
all the other terms to determine the LOS velocity gradient using
the above equation have also been carried out (Proga et al. 1999).
These simulations show that the qualitative features of winds are
not changed as compared to the approximate calculation of the
gradients. Further, they are numerically very expensive. We can
approximate that the region of consideration is far away from
the star, as the central object is a point source. Therefore, the
gradient can simply be set as equivalent to dVR/dR, where R
is the spherical radius and VR is the gas velocity along the ra-
dius R. However, when using cylindrical coordinates instead
of spherical coordinates, we have to rewrite Equation (10) by
transforming R into r, and thereby adding further terms,

n̂·∇(n̂· 	v) = 1

1 + x2

(
∂vr

∂r
+ x

(
∂vr

∂z
+

∂vz

∂r

)
+ x2 ∂vz

∂z

)
, (11)

where x = z/r .
We have applied two of the line-force components individu-

ally as source terms in order to disentangle their effects on the
dynamics of a (pure) MHD jet launched from the underlying
disk. They are either due to the central star or the underlying
hot accretion disk. Disks around massive young stars accrete
very rapidly with rates of 10−5 M� yr−1 to 10−3 M� yr−1. Such
high accretion rates imply very high accretion luminosities, in
particular in their very inner regions. In order to calculate the
line forces due to the disk luminosity, proper geometric factors
have to be taken into account. We apply a formulation simi-
lar to Pereyra et al. (2000), the details of which are given in
Appendix B.

4. NUMERICAL SETUP

4.1. Grid Setup and Physical Scaling

We perform axisymmetric ideal MHD simulations of jet
formation in the presence of radiative forces. Our simulations

are carried out on a grid of physical size (r×z) = (52 l0×152 l0),
where l0 denotes the physical length scale. The grid is divided
into (512 × 1024) cells in the radial and vertical directions,
respectively. Within r < l0 and z < l0 the grid is uniform with
a resolution of δr = δz = 0.05, while for l0 < r < 50 l0 or
l0 < z < 150 l0 the grid is stretched with a ratio of 1.002739 and
1.001915 in either the radial or vertical direction, respectively.
The remaining outermost part of the grid is again uniform, with
cell size δr = 0.125 and δz = 0.20, respectively.

Pure MHD simulations would be scale free. However, when
radiation is considered, a physical scaling of the dynamical vari-
ables becomes essential. Three scaling parameters in physical
units are used—the length scale l0, the base flow density ρ0,
and the Keplerian velocity v0, at the inner launching point (see
Section 2 for physical values used for scaling parameters).

All other quantities can be derived using the following
definitions:

rc = rcgs

l0
, zc = zcgs

l0
, ρc = ρcgs

ρ0
, vc = vcgs

v0
,

pc = pcgs

ρ0v
2
0

, Bc = Bcgs

B0
= Bcgs√

4πρ0v
2
0

. (12)

The force multiplier defined in Equation (8) can be expressed
in code units as follows:

Mc(Tc) =
[

Q1−α
0

1 − α

(
v0

σecρ0l0ρc

∣∣∣∣dvl

dl

∣∣∣∣
)α

]
. (13)

Quantities with subscript “c” are obtained from simulations
in the dimensionless form, whereas the quantities with subscript
“cgs” are the ones required in the physical units. We measure
the time tc in units of l0/v0. We denote the number of rotations
at the inner launching point l0 as Nrot = l0/2πv0 = tc/2π

Using these normalizations the conservation of momentum
(Equation (2)) can be written in dimensionless code units,

ρc

(
∂ 	vc

∂tc
+ (	vc · ∇c)	vc

)
= 2

β0
((∇c × 	Bc) × 	Bc)

− ∇c 	Pc − ρc∇cΦc + ρc
( 	F rad

c

)
,

(14)

where the plasma beta, β0 = (8πρ0v
2
0)/B2

0 , specifies the initial
strength of the (poloidal) magnetic field at l0 and the radiation
force

	F rad
c =

	F rad
cgs

v2
0/l0

. (15)

Figure 2 displays the numerical setup used for our simula-
tions. We also show the dynamically important forces that a fluid
parcel experiences in an outflow from a young massive star—the
gravitational force 	Fgravity by the central star, the Lorentz force
components parallel to 	FLorentz,‖ (accelerating) and perpendic-
ular to 	FLorentz,⊥ (collimating), the thermal pressure gradient
	Fpressure, and the centrifugal force 	Fcentrifugal, which in particular

plays a vital role in accelerating the flow from the disk surface.
The essential point of this paper is that we also consider radia-
tion forces from the star and the disk ( 	Fradiation, Equation (7)).
We consider the most dominant radiative source terms, which
are those due to the line-driving mechanism from the central
massive star and the underlying (hot) disk (see Figure 1).
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Figure 2. Schematic view of the numerical setup along with the definition of the
boundary conditions applied for most of the simulation runs. The lines indicate
poloidal magnetic field lines anchored in the underlying accretion disk, which is
in slightly sub-Keplerian rotation. The dark black spot represents a fluid element
frozen onto that field line. Vectors indicate and denote the various forces acting
on the fluid element. See the text for a detailed description of the different
dynamically important forces.

4.2. Initial Conditions

We model the launching of the wind from an accretion disk
representing the base of the outflow. The gravitational potential
Φ is that of a point star located at a slight offset (−rg,−zg) from
the origin to avoid singularity at r = z = 0,

Φ(r, z) ∝ (
(r + rg)2 + (z + zg)2

)−0.5
, (16)

where rg = zg = 0.21 in all our simulations.
Initially we prescribe a hydrostatic equilibrium with a density

distribution

ρ(r, z) ∝ (
(r + rg)2 + (z + zg)2

)−0.75
(17)

(Ouyed & Pudritz 1997). The thermal pressure follows a
polytropic equation of state P = Kργ , with γ = 5/3. The
magnitude of K = (γ − 1)/γ is determined by the initial
hydrostatic balance between gravity and pressure gradients.
To begin with, all velocity components are vanishing. Such an
initial setup is typical for jet launching simulations (e.g., Ouyed
& Pudritz 1997; Krasnopolsky et al. 1999; Fendt 2006). The
initial hot hydrostatic distribution of density and temperature
does not play a significant role in determining the flow structure,
as it is eventually washed out by the cold, i.e., thermal pressure
unimportant, MHD flow that is launched from the base.

The initial magnetic field is purely poloidal (in the (r, z) plane)
with a distribution derived from the potential field 	Bp = ∇ ×Aφ

with

Aφ =
√

r2 + (z + zd)2 − (zd + z)

r
(18)

(Ouyed & Pudritz 1997), where zd is considered as the dimen-
sionless disk thickness. Such a magnetic field configuration is
force free. Together with the hydrostatic density distribution,
this implies an initial setup in force equilibrium. The initial
magnetic field strength is prescribed by choice of the plasma-
beta β0 at the inner launching point.

4.3. Boundary Conditions

Choosing the correct physical boundary conditions is of
utmost importance for numerical simulations, as they describe
the astrophysical system under consideration. In the present
setup, we have to deal with four boundary regions (see Figure 2).

4.3.1. Axial Boundary

Along the jet axis, an axisymmetric boundary condition is
applied. The normal and the toroidal components of vector
fields (i.e., Bn, Bφ, vn, vφ) change sign across the boundary,
whereas the axial components are continuous. The density and
the pressure are copied into the ghost zones from the domain.

4.3.2. Equatorial Plane Boundary

The “disk boundary” is divided into two regions—the inner
gap region extending from the axis to the inner launching radius,
r < l0, and further out in the disk region, r � l0, from which
the outflow is launched.

The setup of this boundary is the most crucial for the outflow
simulation. This is an “inflow” boundary, with the boundary
values determining the inflow of gas and magnetic flux from
the disk surface into the outflow. Special care has to be taken
to consider the causal interaction between the gas flow in the
domain and in the ghost cells.

In order to have a causally consistent boundary condition
(Bogovalov 1997; Krasnopolsky et al. 1999; Porth & Fendt
2010), we impose the four physical quantities ρ, ΩF, P , andEφ .
The toroidal electric field vanishes, Eφ = (	v× 	B)φ = 0, as result
of the ideal MHD approximation. Thus, poloidal velocity and
the poloidal magnetic field are parallel at the boundary, 	vp|| 	Bp.
The angular velocity of the field line (Ferraro’s iso-rotation
parameter) ΩF, which is one of the conserved quantities along
the field line, is fixed in time along the boundary. We have
chosen a Keplerian profile along the disk ΩF(r) ∝ r−1.5. The
poloidal velocity at the boundary is “floating,” i.e., copied from
the first grid cell into the ghost cell each time step. Thus, the
mass flux at the disk boundary is not fixed but is consistently
derived by the causal interaction between the outflowing gas
and the boundary value.

The inner gap region is prescribed as hydrostatic pressure
distribution. However, gas pressure gradient, gravity, and cen-
trifugal acceleration are considered for the radial force-balance
in the disk, leading to a sub-Keplerian rotation

vφ(l0, 0)

vkep
= √

χ

with χ < 1. Solving for the radial balance delivers the density
profile along the boundary

ρdisk(r, z) =
(

1

1 − χ

)
ρ(r, z).

Therefore, there is a density contrast between disk and initial
corona (the domain). In order to avoid numerical problems at
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the interface between the gap and the “inner disk” (i.e., the inner
jet launching radius), we smooth this transition using the Fermi
function, considering

χ =
(

χ0

1 + exp(−10(r − 1))

)
.

The Fermi function is resolved by 16 grid cells. The pressure
distribution along the boundary is fixed so as to have a cool disk
that is three times denser than the initial corona. Thus, the wind
emerging from such a cool disk has a similarly cool temperature
(lower than the initial corona). Quantitatively, the average initial
coronal temperature within the inner jet launching area is around
5 × 105 K, while the temperature of the disk surface (i.e., the
boundary) in the same area reduces to 5 × 104 K at 10 AU.

The magnetic field in the boundary is allowed to evolve in
time to avoid any current sheets along the interface. When the
simulation starts, the rotating disk winds up the poloidal field
and induces a toroidal field component. Constraining the field
line angular velocity ΩF to be constant in time, we need to adjust
the rotational velocity of the gas in the boundary,

vφ = rΩF +
η

ρ
Bφ, (19)

where the mass load of a field line η = (ρvp)/Bp is again a
conserved quantity in stationary MHD.

4.3.3. Outflow Boundaries

The right and top boundaries (see Figure 2) are defined as out-
flow boundaries. The canonical outflow conditions (zero gradi-
ent across the boundary) are imposed on all scalar quantities and
vector components, except for the magnetic field. The toroidal
magnetic field component Bφ in the boundary is obtained by
requiring the gradient of the total electric current I to vanish,
whereas the poloidal field components are estimated by setting
the toroidal current density jφ to zero (Porth & Fendt 2010).
Having this new outflow condition implemented in the standard
PLUTO code, we ensure that there is no artificial collimation
due to boundary effects.

5. PARAMETER SURVEY

5.1. Choice of Governing Parameters

The three main parameters we apply for a comprehensive
study are the (1) central stellar mass M∗, (2) plasma-beta β0,
and (3) the line-force parameter α (see Table 1). We also find that
the magnitude of the density at the launching base of the flow
ρ0, which is a free parameter in our simulations, strongly affects
the flow characteristics (see the discussion in Section 5.3).

We have performed a large parameter study with respect to
the central star. The stellar mass considered in our model ranges
from 20 M� to 60 M�. The size and the luminosity of these
stars are obtained from the literature stellar evolution models
(Hosokawa & Omukai 2009). The dimensionless parameter that
controls the luminosity of the central star is Γe (see Table 1).
Its variation with the stellar masses considered in our model is
shown in Figure 3. (also see Section 6.1.5)

We carry simulations for three different values of magnetic
field strength β0 = 1.0, 3.0, 5.0. We fix the density at the
base of the flow to the same value as for the simulations for
different stellar mass. Thus, for a 30 M� star and an inner jet
launching radius of 1 AU, the different β0 values correspond

Figure 3. Variation of the dimensionless parameter Γe with stellar mass M∗
from Hosokawa & Omukai (2009). The solid black line indicates the stellar
mass evolution in the Hosokawa model. Stars represent the Eddington ratio
Γe for different stellar masses in our parameter survey (Section 6.1.5). The
vertical dashed lines mark different evolutionary stages for massive young
stars accreting rapidly at the rate of 10−3 M� yr−1. The curve is obtained
using tabulated evolutionary parameters kindly provided by T. Hosokawa (2010,
private communication).

to a poloidal magnetic field of 11.5 G, 6.6 G, or 5.1 G at the
inner launching point, respectively. Detailed descriptions of the
different simulations are shown in Table 2. The jet is launched
by pure MHD processes. As it achieves a steady state after, for
example, NMHD inner rotations, we switch on the radiative line
forces by the central star and run the simulation for another
NRAD inner rotations.

The stellar line force in our model is quantified by the
parameters Q0 and α. In principle, these parameters depend on
the degree of ionization in the flow; however, for simplicity, we
neglect this dependence and assume that their values remain
the same for a particular simulation run. The line force is
independent of Q0; however, its dependence on α is strong
(Gayley 1995). We fix the line strength parameter Q0 = 1400
for all runs. We carry out simulations with three values of
α = 0.55, 0.60, 0.65. Although the differences in α seem to
be small, they lead to considerable variation in the magnitude
of the line forces (Gayley 1995). These values of α and Q0
are consistent with the empirical values obtained for evolved
massive stars (Abbott 1982; Gayley 1995). Since, we have no
empirical values for these parameters during the formation stage,
the present model uses similar values of line-force parameters
as obtained from evolved massive stars.

5.2. Quantifying the Degree of Collimation

There are in principal several options for quantifying the
collimation degree of jets. Fendt & Čemeljić (2002) suggested
comparing the mass fluxes in the radial and vertical directions
of the jet as a measure of the jet collimation. However, in
general the choice of a “floating” inflow boundary condition and
the subsequent time-dependent change of mass fluxes makes it
difficult to use them as a measure for the degree of collimation.
Therefore, in this work, we quantify the jet collimation by
the opening angle φ of the field lines (which are equivalent

7
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Table 2
Parameter Study of Stellar Radiation Line-force Effects on MHD Disk Jets for Different Field Strengths and Stellar Masses

Run ID M∗ β0 α φA φF max(Δζ [%]) Ṁvert

(M�) (M� yr−1)

M30a055b1 30 1.0 0.55 21.98 16.45 5.0 3.1 × 10−5

M30a055b3 30 3.0 0.55 25.63 20.68 17.0 2.9 × 10−5

M30a055b5 30 5.0 0.55 26.05 23.40 34.5 2.5 × 10−5

M30a055b5-c 30 5.0 0.55 25.55 23.01 33.9 2.4 × 10−5

M20a055b5 20 5.0 0.55 20.44 15.57 5.8 1.6 × 10−5

M25a055b5 25 5.0 0.55 23.27 19.94 21.9 2.4 × 10−5

M45a055b5 45 5.0 0.55 26.84 24.35 37.7 3.0 × 10−5

M50a055b5 50 5.0 0.55 28.86 26.03 42.0 3.3 × 10−5

M60a055b5 60 5.0 0.55 31.45 29.25 56.0 3.7 × 10−5

M60a060b5 60 5.0 0.60 23.73 21.48 28.7 3.2 × 10−5

M60a065b5 60 5.0 0.65 20.93 17.28 11.7 2.9 × 10−5

M25a055b3inj 25 3.0 0.55 45.84 33.87 30.2 1.3 × 10−5

M30a055b3inj 30 3.0 0.55 47.71 36.97 37.2 1.4 × 10−5

M50a055b3inj 50 3.0 0.55 48.76 39.22 42.1 1.8 × 10−5

Notes. We apply the same physical density at the jet base ρ0 = 5.0 × 10−14 g cm−3, the same inner launching radius l0 = 1 AU, and
the same line-force parameter Q0 = 1400 for all runs. The simulations are performed for NMHD = 319 inner rotations in the pure
MHD, followed by NRAD = 319 rotations, with switched-on radiative forces. A measure for the jet opening angle is given at the
MHD critical points, φA, φF, and along the field line rooted at r = 5.0 AU. Δζ [%] denotes the percentage difference of the opening
angles between the steady-state flows for pure MHD, including radiation force along the field line rooted at the same radius. The
vertical mass flux Ṁvert( M� yr−1) is measured along the top cells in the domain. The first 10 simulation runs in the table apply a
“floating” boundary condition for the injection velocity, while for the last three runs a fixed-mass-flux boundary condition is applied
(see Section 6.2).

to velocity streamlines in a steady state). For comparison, we
measure the opening angle along a certain field line at two
critical points along that field line, the Alfvén point φA and the
fast magnetosonic point φF. Note that this is not the asymptotic
jet opening angle.

In order to estimate the amount of de-collimation Δζ [%] by
radiation forces, we measure the angular separation of field lines
resulting from NMHD disk rotations from those after NRAD disk
rotations,

Δζ [%](s) = 100

(
φ(s,NRAD) − φ(s,NMHD)

φ(s,NMHD)

)
, (20)

where s measures the path along the field line. A positive value of
Δζ [%] implies de-collimation, whereas negative values would
imply collimation of the jet by radiative forces.

5.3. The Outflow Density at the Disk Surface—ρ0

The radiative force term F rad
c is a product of the force

multiplier and the continuum force. The force multiplier
(Equation (8)) depends on the physical scalings v0, l0, and ρ0
(see Equation (13)). This does imply that each simulation run is
unique to the chosen set of scaling parameters for a particular
type of star.

In the case of massive stars, these values are currently difficult
to measure very close to the star (see Section 2). However,
observationally derived values of mass flow rates in molecular
outflows and jets around massive stars (Beuther et al. 2002b;
Zhang et al. 2005; López-Sepulcre et al. 2009) can be used
to constrain the densities with prior assumption of inner jet
velocity. Typically measured values of the mass outflow rate are
of the order of 10−3 to 10−5 M� yr−1.

The density ρ0 at the base of the flow (z ∼ 0) can be estimated
by the mass flux launched from the base per unit time,

Ṁout = 2πρ0v0l
2
0

∫ rc,max

rc,min

r1/2−q
c drc, (21)

Table 3
Parameter Study of Stellar Radiation Line-force Effects on MHD Disk Jets for

Different Jet Density at the Base of the Flow with a Stellar Mass of 30 M�

Runs ρ0 φA φF max(Δζ [%]) Ṁvert

(g cm−3) (M� yr−1)

M30a055b5d1 3.0 × 10−14 30.30 27.79 47.7 1.5 × 10−5

M30a055b5 5.0 × 10−14 26.02 23.36 34.5 2.4 × 10−5

M30a055b5d2 1.0 × 10−13 22.91 19.47 19.6 4.3 × 10−5

M30a055b5d3 5.0 × 10−13 20.42 15.03 4.0 1.9 × 10−4

Note. For all runs, plasma-β0 = 5, l0 = 1 AU and line-force parameters
Q0 = 1400 and α = 0.55.

where the density at the base of the flow is ρ(rc, zc = 0) =
ρ0r−q

c . From Equation (17), q = 3/2. We assume the matter
is launched from the disk surface with Keplerian speed (i.e.,
vz(rc, zc = 0) = v0r

−1/2
c ). The physical scalings for the density,

velocity, and lengths are ρ0, v0, and l0 respectively, while rc is
the non-dimensional length unit. Thus, the density scaling ρ0
can be expressed as

ρ0 = Ṁout

2πv0l
2
0

[
ln

(
rc,max

rc,min

)]−1

. (22)

Using typical observed mass outflow rates for young massive
stellar jets, we calculate ρ0 ∼ 10−13–10−15 g cm−3.

The physical value of the density at the base of the flow
is in the denominator of Equation (13), and therefore affects
the magnitude of the line-driving force significantly. Increasing
the density by, for example, a factor of 10, decreases the line
force at least by a factor of 10α . For the values of α considered
here, this magnification could be as large as 3. Such a change
in the radiative force clearly has a notable impact on the
outflow dynamics, in particular on its degree of collimation.
The description of our simulations with different base densities
is given in Table 3.
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Figure 5. Evolutionary sequence of the reference simulation M30a055b5. Shown are the jet vertical velocity distribution (color coding) and the poloidal magnetic
field lines. The color bar represents the velocity scale in km s−1 for each row of panels. The series of images are taken at subsequent inner rotations as mentioned on
the top of each image. The solid red lines are the poloidal magnetic field lines. To illustrate the impact of radiation forces, we also show the field lines obtained after
the steady-state MHD flow for comparison as white dashed lines in the lower four panels.

approaching the upper boundary, stabilizing to a steady axial
flow. Jet de-collimation by stellar radiation forces is indicated
by the fact that the red solid field lines in the bottom panels of
Figure 5 do open up significantly, as compared to field lines in
steady-state pure MHD simulation.

When the radiative force is switched on, a shock front
begins to propagate into the steady MHD jet (Figure 5). This
happens because the additional radiation forces lead to an initial
disturbance at the base of the flow, which is then propagated
outward. The effect of line forces resulting in a series of
propagating shocks is best seen in the poloidal velocity profile
along a magnetic field line (see Figure 6). The series of shocks
eventually propagates out of the domain, and the flow attains
a steady state again. However, the asymptotic outflow velocity
that is then achieved is enhanced by a factor of 1.5–2 compared
to the pure MHD flow.

We also carry out a run, M30a055b5-c, that includes the
radiation force from the beginning along with the MHD flow.
This flow evolves into the same configuration as our reference
run where the radiation force is later “switched on”. This proves
that the initial conditions do not affect the final state of the flow.
In our study, we prefer to use the step-by-step approach, as it is
computationally less expensive.

In summary, we find that radiation forces essentially modify
the MHD disk jet in terms of collimation, but also in terms of
acceleration and terminal speed.

6.1.1. Analysis of the Force-balance in the Outflow

Here we investigate the main forces affecting the outflow
dynamics, comparing the magnitudes of various force terms
calculated at each grid point along the field line rooted at r =
5.0 AU for simulation run M60a055b5. Figure 7 shows such a

10



The Astrophysical Journal, 742:56 (21pp), 2011 November 20 Vaidya et al.

Proga, D., & Kallman, T. R. 2004, ApJ, 616, 688
Proga, D., Stone, J. M., & Drew, J. E. 1998, MNRAS, 295, 595
Proga, D., Stone, J. M., & Drew, J. E. 1999, MNRAS, 310, 476
Proga, D., Stone, J. M., & Kallman, T. R. 2000, ApJ, 543, 686
Pudritz, R. E., Ouyed, R., Fendt, C., & Brandenburg, A. 2007, in Protostars

and Planets V, ed. B. Reipurth, D. Jewitt, & K. Keil (Tucson, AZ: Univ. of
Arizona Press), 277

Puls, J., Springmann, U., & Lennon, M. 2000, A&AS, 141, 23
Ray, T., Dougados, C., Bacciotti, F., Eislöffel, J., & Chrysostomou, A. 2007, in
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