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An accretion problem...

Gas can fall on the central object only if it looses 
angular momentum.
One needs a way to transport angular momentum 
outward to have accretion: 
«angular momentum transport problem»

First idea: molecular viscosity
Theoretical accretion rate due to viscous 
transport is very small compared to 
observational constrains

Other ways to extract angular momentum in 
discs?
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Angular momentum transport processes
I- turbulent transport

Transport angular momentum in the bulk of the disc
Suggested by Shakura & Sunyaev (1973) A&A, 24, 337
Turbulence leads to enhanced transport («mixing length theory»)
One defines a turbulent viscosity
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⌫t = ↵csH

Angular momentum

10�3 < ↵ < 10�2

2H

«turbulent transport» «sound speed» «1/2 disc thickness»



Angular momentum transport processes
II- disc wind

Angular momentum extracted from the disc by a magnetic wind
[Blandford & Payne 1982, MNRAS, 199, 883]

Magnetic field exerts a torque on the disc surface which generates accretion 
(not described by α-disc!)
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Angular momentum



MHD processes
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The magnetorotational instability (MRI)

Field line

A
B

A

B

[Balbus, & Hawley (1991) ApJ, 376, 214]
[Balbus (2003) ARA&A, 41, 555]
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Ideal MHD instability, modified (possibly 
suppressed) by nonideal effects



[Flock+ 2011, ApJ, 735, 122]

Global simulations are consistent with box simulations in the same conditions   

[Hawley+ (1995), ApJ, 440, 742 ; Fromang & Nelson (2006), A&A, 457, 343 ; Sorathia+ (2012), ApJ, 749, 189]

Ideal MRI: main properties
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Nonideal MHD effects (1)

Protoplanetary discs are far from being in the ideal MHD regime: very low 
ionisation fraction

3 nonideal effects enters the scene
Ohmic resistivity (electrons-neutrals collisions)
Hall effect (electrons-ions drift)
Ambipolar diffusion (electrons-neutral drift)
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ions and neutrals, respectively (for a derivation see, e.g., Balbus 2011). The terms on the right-
hand-side describe magnetic induction (the frozen-in field behavior of ideal MHD) and the three
nonideal effects, Ohmic diffusion (denoted as O), the Hall effect (H), and ambipolar diffusion
(A). Physically, ambipolar diffusion is dominant when the field is well-coupled to the ions and
electrons, such that the field drifts with the charged species relative to the neutral component.
Ohmic diffusion dominates when the conductivity is so low that the field is imperfectly coupled
to both the electrons and the ions. Finally, the Hall effect is most important in an intermediate
regime where the field is well coupled to the electrons but not to the ions.

Determining the absolute importance of the nonideal terms (i.e., their ratios to the inductive
term) requires solving for the ionization state of the disk. As we have already observed, this is
difficult everywhere except in the very innermost regions, interior to about 0.1 AU, where thermal
ionization dominates. It is much easier to assess the relative magnitude of the nonideal terms, which
depend only upon the temperature, T, and total number density, n. Balbus & Terquem (2001)
estimate these ratios by assuming that electrons and singly-ionized ions are the charge carriers,
that the typical fluid velocities are !vA, the Alfvén speed, and that typical gradients are !h"1.
They obtain,

O
H

=
!

n
8 # 1017 cm"3

"1/2 !
vA

c s

""1

, (26)

A
H

=
!

n
9 # 1012 cm"3

""1/2 !
T

103 K

"1/2 !
vA

c s

"
. (27)

Using these expressions, we show in Figure 5 the relative importance of the three nonideal effects
as a function of density and temperature (after Kunz & Balbus 2004). Over-plotted on the figure
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Figure 5
The relative importance of nonideal magnetohydrodynamic terms is shown in the (!, T ) plane (Balbus &
Terquem 2001, Kunz & Balbus 2004), assuming a magnetic field strength such that vA/c s = 0.1. Also
plotted are very approximate tracks showing the radial variation of physical conditions at the midplane, and
near the surface, of protoplanetary disks. The midplane conditions are estimated for a disk around a
solar-mass star with " = 103(r/1 AU)"1 g cm"2 and (h/r) = 0.04. The surface conditions are estimated
from the density at z = ±4h (using a Gaussian density profile), assuming that the temperature is the effective
temperature for a steady-state disk accreting at Ṁ = 10"7 M$ year"1.
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Nonideal MHD effects (2)

[Kunz & Balbus (2004), MNRAS, 348, 355 
Armitage (2011), ARA&A, 49, 195]
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The magnetic Prandtl number crisis

Pm compares Ohmic diffusion to viscous diffusion

Pm<<1 in protoplanetary discs (Ohmic diffusion more important)

P.-Y. Longaretti and G. Lesur: MRI-driven turbulent transport: the role of dissipation, channel modes and their parasites
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Fig. 4. Transport standard deviation as a function of the time interval !
used to bin the transport data, for a given run (in this case, Re = 3200,
Rm = 800, and " = 100). This information is used to quantify the error
in the transport from the fit !!"1/2 that is expected to hold for large
enough binning time ! (see text for details).
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Fig. 5. The dimensionless turbulent radial momentum transport # as a
function of the Prandtl number Pm and the field strength " for various
Reynolds numbers. black: " = 102; blue: " = 103; red: " = 104; !:
Re = 400; +: Re = 800; #: Re = 1600; $: Re = 3200; %: Re = 6400;
the green starred data points correspond to the three more resolved runs
at Re = 20 000 and " = 103. Power law fits are also shown for each
value of ".

the initial work of Hawley et al. (1995). However, the varia-
tion of the index of the Prandtl number dependence with field
strength just discussed induces deviations from this scaling.

– There is a weaker, but systematic and significant increase of
the transport with increasing Reynolds number at any given
field strength and Prandtl number. This e!ect is real: for most
of our runs, this increase is larger than the standard deviation
in the transport, as quantified in the previous subsection. It is
also larger for the smaller Prandtl number values. This indi-
cates that the Prandtl number does not capture all the physics
of the correlation between transport and physical dissipation;
this point is further discussed below.

Our previous investigation was limited to " = 100. In the present
work, the Prandtl number dependence of the transport for this
field strength is consistent with our earlier findings. However,
the transport observed here is reduced by a factor &2; this is a
direct consequence of the reduced role played by the channel
mode in our horizontally extended simulation boxes.

For the lowest Prandtl number (1/4) and lowest field strength
(" = 104), only one point is reported in the graph. Our other
runs for this parameter have lower Reynolds numbers, and are
too close to the linear stability threshold of Eq. (23) to sustain
full 3D turbulent motions. These runs show 2D or quasi-2D be-
havior, with very di!erent transport e"ciency and behavior. The
data point we have retained might still be weakly a!ected by
such e!ects.

As pointed out above, Fig. 5 indicates that the spread with
Reynolds number at a given Prandtl number increases with de-
creasing Prandtl number. In fact, two di!erent regimes can be
noted, one for Pm ' 1 and one for Pm = 4.

At Pm = 4, the transport seems to be only weakly depen-
dent on Re (or Rm), at least for large enough Reynolds number:
the transport increases by 10% to 50% (depending on ") while
the Reynolds number is multiplied by a factor of 4. This trend
can also be found in the work of Simon & Hawley (2009), where
the MRI turbulent transport in presence of a toroidal field is in-
vestigated with more emphasis on the Pm > 1 regime. Their
Figs. 6 and 7 show that, for Pm = 2 and 4 at least (the only ones
with enough data in the Pm > 1 regime), the transport increases
steadily with the Reynolds number for Re <& 1000 and much
more weakly for Re >& 1000.

On the contrary, the spread in Reynolds number for Pm ' 1
is substantial, and systematic. Such a spread was not detected in
our earlier investigation, due to the larger fluctuations in trans-
port related to the box aspect ratio, as discussed earlier. In fact,
this dispersion seems to be an e!ect of the magnetic Reynolds
number. To illustrate this point, the transport is represented in
Fig. 6 as a function of Rm (left panel) and Re (right panel),
for Pm ' 1; the colors describe di!erent field strengths (" = 102

to 104 from top to bottom). The statistics in the number of points
at any given Re or Rm is rather low; however, it appears quite
clearly that the dispersion of the points at any given Reynolds
number is substantially larger in Re (with varying Rm) than
in Rm (with varying Re). The largest Reynolds number data
strongly support this conclusion. Furthermore, the fits5 of the
transport as a function of Rm indicate the Rm dependence of the
transport for Pm ' 1 is very similar to its Pm dependence as
shown in Fig. 5. This strongly suggests that the Pm dependence
observed on this figure is in fact mostly a Rm dependence for
Pm ' 1. Including the Pm = 4 data destroys this correlation,
which strengthens the idea that there are two regimes, depend-
ing on the Prandtl number (a feature that may be related to the
existence of a transition around Pm = 2 in zero net flux shear-
ing box simulations). The relevant results of Simon & Hawley
(2009); although less detailed, are consistent with these findings
(see their Fig. 7).

5. Role of channel and parasitic modes

5.1. Linear physics and turbulent transport

Lesur & Longaretti (2007) concluded that there was no di-
rect connection between the Prandtl dependence of MRI-driven

5 The Re = 20 000 data points have not been included in this fit to
make the comparison between the two dependences in the same condi-
tions.
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Figure 5. Time- and volume-averaged stress parameter ! as a function of Rm in
the YN simulations; ! ! """vx#vy # BxBy$$/Po. The time average runs from
50 orbits onward, and the volume average is calculated over the entire simulation
domain. The colors correspond to Re values, and the symbols correspond to
Pm values. Red symbols are Re = 400, green Re = 800, dark blue Re = 1600,
black Re = 3200, pink Re = 6400, and light blue are Re = 12800. Circles are
Pm = 0.25, crosses Pm = 0.5, asterisks Pm = 1, diamonds Pm = 2, triangles
Pm = 4, squares Pm = 8, and X’s are Pm = 16. Note that some of the decayed
turbulence (! = 0) simulations are not plotted for clarity. Increasing Rm results
in larger ! values, and for Rm less than 800–1600, the turbulence decays.
(A color version of this figure is available in the online journal.)

Figure 6. Time- and volume-averaged stress parameter ! as a function of Re in
the YN simulations; ! ! """vx#vy # BxBy$$/Po. The time average runs from
50 orbits onward, and the volume average is calculated over the entire simulation
domain. The colors correspond to Rm values, and the symbols correspond to
Pm values. Light blue symbols are Rm = 800, green Rm = 1600, dark blue
Rm = 3200, black Rm = 6400, and red are Rm = 12800. Circles are Pm = 0.25,
crosses Pm = 0.5, asterisks Pm = 1, diamonds Pm = 2, triangles Pm = 4,
squares Pm = 8, and X’s are Pm = 16. Note that some of the decayed turbulence
(! = 0) simulations are not plotted for clarity. Increasing Re leads to decreasing
! values.
(A color version of this figure is available in the online journal.)

different Re values. The clearest trend is that if Rm is large
enough to sustain turbulence, increasing Pm leads to larger !
values. Note that turbulence can be sustained even for Pm less
than unity, if Rm is large enough. At constant Rm, we find that
! % Re#1 , with #1 ranging from #0.1 to #0.3 (calculated by
a linear fit to the data in log space for non-decayed turbulence
simulations only). At constant Re value, we find ! % Rm#2

with #2 in the range 0.4–0.8 and #2 generally decreasing with
increasing Re.

These results naturally lead to the question of why increasing
$ or decreasing % causes an increase in turbulence. Magnetic
reconnection and dissipation of field lines, either due to an
explicit resistivity or to grid-scale effects, presumably play the
primary role in limiting the amplitude of the MHD turbulence.
Balbus & Hawley (1998) hypothesized that increased viscosity
would inhibit reconnection by preventing velocity motions that
would bring field together on small scales. When Pm > 1, the
viscous length is greater than the resistive one, and magnetic
field dissipation becomes less efficient, leading to an increase in
turbulent stress (e.g., Balbus & Henri 2008). If this hypothesis is

Figure 7. Time- and volume-averaged stress parameter ! as a function of Pm;
! ! """vx#vy #BxBy$$/Po. The time average runs from 50 orbits onward, and
the volume average is calculated over the entire simulation domain. The colors
correspond to Rm values, and the symbols to Re values. Light blue symbols
are Rm = 800, green Rm = 1600, dark blue Rm = 3200, black Rm = 6400, and
red are Rm = 12800. Crosses are Re = 400, asterisks Re = 800, diamonds Re
= 1600, triangles Re = 3200, squares Re = 6400, and circles are Re = 12800.
Note that some of the decayed turbulence (! = 0) simulations are not plotted
for clarity. The average stress increases with increasing Pm.
(A color version of this figure is available in the online journal.)

correct, there may also be a change in the dissipation of kinetic
and magnetic energy into heat. To investigate this possibility, we
carry out an analysis of viscous and resistive heating for several
of the simulations.

Consider the volume-averaged kinetic and magnetic energy
evolution equations, Equations (15) and (16) in Simon et al.
(2009),

K̇ = #
!
! ·

"
v

#
1
2
"v2 +

1
2
B2 + P + "!

$
# B(v · B)

%&

+
!#

P +
1
2
B2

$
! · v

&
# "B · (B · !v)$ # Ġ # Qk,

(15)

and

Ṁ = #
!
! ·

#
1
2
B2v

$&
#

!
1
2
B2! · v

&
+ "B · (B · !v)$ # Qm.

(16)
Here, K̇ and Ṁ are the time derivatives of the volume-
averaged kinetic and magnetic energies, respectively. The time
derivative of the volume-averaged gravitational potential energy
is given by Ġ, and Qk and Qm are the volume-averaged
kinetic and magnetic energy dissipation rates, respectively. The
gravitational potential is ! = q"2

'L2
x

12 # x2
(
.

We determine Qk and Qm for select YN models by computing
the time average of each of the source terms in the energy
evolution equations using 200 data files equally spaced in time
over 20 orbits. We assume that Ġ is zero in the time average;
the analysis of Simon et al. (2009) found that Ġ is always
negligibly small. The time derivatives, K̇ and Ṁ , are calculated
by differentiating the volume-averaged kinetic and magnetic
energy history data with respect to time and then sampling these
data to the times associated with the data files. The dissipation
terms Qk and Qm, which include both physical and numerical
effects, are the remainder after all the other terms are calculated.

Figure 8 shows the ratio of the time average "Qk$ to "Qm$
as a function of Pm and ! for selected YN runs. The colors
and symbols are the same as in Figure 6. The time average is
calculated from t = 70–90 orbits for YNRe400Pm16 (black
X) and YNRe12800Pm0.25 (blue circle), t = 110–130 orbits
for YNRe800Pm2 (green diamond) and YNRe800Pm8 (black

The Astrophysical Journal, 730:94 (20pp), 2011 April 1 Simon, Hawley, & Beckwith

Figure 18. Volume-averaged total stress normalized by the volume-averaged gas pressure as a function of time in orbits in the lower resolution, vertically stratified
simulations where turbulence remains sustained. The volume average is done for all x and y and for |z| ! 2H . The left plot is the first 120 orbits of the evolution,
whereas the right plot is 350 orbits of the evolution. The black line corresponds to Rm = 3200 and Pm = 4, dark blue is Rm = 6400 and Pm = 4, magenta is Rm =
6400 and Pm = 8, and brown is Rm = 6250 and Pm = 1. The vertical axis has been chosen to match that of Figure 2 for comparison. While the stress levels generally
increase with Pm, there is significant overlap between the different curves at different times.
(A color version of this figure is available in the online journal.)

Figure 19. Time- and volume-averaged stress parameter ! as a function of Pm in the unstratified FT simulations (left plot) and the stratified simulations (right plot);
! ! """vx#vy # BxBy$$/""P $$. The average is calculated over the entire domain (all x and y and for |z| ! 2H ) and from 120 (150) orbits to the end of the simulation
for the unstratified (stratified) runs. The dashed lines are linear fits to the data in log–log space, and the error bars denote one standard deviation about the temporal
average of the numerator in !. Both cases show a clear Pm dependence. However, in the stratified runs, this dependence is less steep, and there is considerable temporal
variability.

Figure 20. Time averaged and horizontally averaged total stress as a function of z on a linear (left) and logarithmic (right) vertical scale. The stress is normalized by
the time- and volume-averaged gas pressure, where the volume average is done for all x and y and for |z| ! 2H . The time average is done from orbit 150 until the
end of each simulation. The solid line corresponds to 32Rm6400Pm8, the dashed line is 32Rm3200Pm4, the dotted line is 32Rm6400Pm4, and the dot-dashed line is
32Rm6250Pm1. The stress appears to increase with Pm for nearly all z, and for all Pm, there is a sharp decrease in the stress for |z| " 1.5H .

In summary, where the MRI is operating within a stratified
disk, increasing Pm leads to an increase in stress, consistent with
the behavior seen in unstratified simulations.

5. SUMMARY AND DISCUSSION

We have carried out a series of shearing box simulations
with the Athena code to study MRI-driven turbulence with both
vertical gravity and physical dissipation. Until the recent work of
Davis et al. (2010), the role of physical dissipation in setting the
level of angular momentum transport had been mainly studied
in the context of unstratified simulations. As Davis et al. (2010)
has shown, however, stratified simulations reveal new behaviors.

Turbulence that decays in unstratified simulations is sustained
in the presence of vertical gravity and with large amplitude,
%100 orbit fluctuations in the stress in some cases.

Our primary goal in this study has been a deeper investiga-
tion into the roles of viscosity and resistivity in MRI-driven
turbulence using simulations that more accurately resemble as-
trophysical disk systems. To this end, we have implemented
more realistic, outflow boundary conditions in the vertical di-
rection (Davis et al. 2010 use vertically periodic boundaries),
and we have run the simulations for significantly longer integra-
tion times than is usual for shearing box calculations, in order to
study long-timescale effects. From these simulations we observe

17

unstratified 
mean vertical field unstratified 

mean toroidal field
stratified 

mean toroidal field

[Simon+ (2011), ApJ, 730, 94][Simon & Hawley (2009), ApJ, 707, 833]
[Longaretti & Lesur (2010), 

A&A, 516, A51]

↵(Pm ⌧ 1)?
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Dead Zones
Ohmic diffusion picture

Sources of ionisation in discs include
Thermal ionisation
X-rays+FUV from the central star
Cosmic rays

FUV+X-rays

Cosmic rays

Dead zone (MRI quenched by Ohmic diffusion)

~1AU ~10AU

Layered accretion? [Gammie 1996, ApJ, 457, 355]
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ions and neutrals, respectively (for a derivation see, e.g., Balbus 2011). The terms on the right-
hand-side describe magnetic induction (the frozen-in field behavior of ideal MHD) and the three
nonideal effects, Ohmic diffusion (denoted as O), the Hall effect (H), and ambipolar diffusion
(A). Physically, ambipolar diffusion is dominant when the field is well-coupled to the ions and
electrons, such that the field drifts with the charged species relative to the neutral component.
Ohmic diffusion dominates when the conductivity is so low that the field is imperfectly coupled
to both the electrons and the ions. Finally, the Hall effect is most important in an intermediate
regime where the field is well coupled to the electrons but not to the ions.

Determining the absolute importance of the nonideal terms (i.e., their ratios to the inductive
term) requires solving for the ionization state of the disk. As we have already observed, this is
difficult everywhere except in the very innermost regions, interior to about 0.1 AU, where thermal
ionization dominates. It is much easier to assess the relative magnitude of the nonideal terms, which
depend only upon the temperature, T, and total number density, n. Balbus & Terquem (2001)
estimate these ratios by assuming that electrons and singly-ionized ions are the charge carriers,
that the typical fluid velocities are !vA, the Alfvén speed, and that typical gradients are !h"1.
They obtain,

O
H

=
!

n
8 # 1017 cm"3

"1/2 !
vA

c s

""1

, (26)

A
H

=
!

n
9 # 1012 cm"3

""1/2 !
T

103 K

"1/2 !
vA

c s

"
. (27)

Using these expressions, we show in Figure 5 the relative importance of the three nonideal effects
as a function of density and temperature (after Kunz & Balbus 2004). Over-plotted on the figure

1) Ambipolar
2) Hall
3) Ohmic

1) Hall
2) Ambipolar
3) Ohmic

1) Hall
2) Ohmic
3) Ambipolar
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2) Hall
3) Ambipolar
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10 –9 10 –7 10 –5

10 3

10 2

10 1

10 0

Figure 5
The relative importance of nonideal magnetohydrodynamic terms is shown in the (!, T ) plane (Balbus &
Terquem 2001, Kunz & Balbus 2004), assuming a magnetic field strength such that vA/c s = 0.1. Also
plotted are very approximate tracks showing the radial variation of physical conditions at the midplane, and
near the surface, of protoplanetary disks. The midplane conditions are estimated for a disk around a
solar-mass star with " = 103(r/1 AU)"1 g cm"2 and (h/r) = 0.04. The surface conditions are estimated
from the density at z = ±4h (using a Gaussian density profile), assuming that the temperature is the effective
temperature for a steady-state disk accreting at Ṁ = 10"7 M$ year"1.
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Nonideal MHD effects (2)

[Kunz & Balbus (2004), MNRAS, 348, 355 
Armitage (2011), ARA&A, 49, 195]

Turbulent layer



Turbulent layers are dominated by ambipolar diffusion & Hall effect
If the disc is not threaded by a mean vertical field, ambipolar diffusion kills the 
MRI in the turbulent layer:                  [Bai’s poster 2S049 ; Bai & Stone (2013), ApJ, 769, 76]

Results depend strongly on FUV ionisation, PAHs, chemistry, grains...

14

Dead zones
Ambipolar diffusion makes it worse

↵ < 10�4

The Astrophysical Journal, 769:76 (21pp), 2013 May 20 Bai & Stone

Figure 2. Space–time plot for the (horizontally averaged) vertical profiles of the Maxwell stress !BxBy in the three fiducial runs O-b5 (top), OA-nobz (middle), and
OA-b5 (bottom). The colors are in logarithmic scales (in code units). White contours in the upper panel correspond to vertical Elsasser number !z " v2

Az/!O" = 1.
The discontinuous transitions in the middle panel correspond to the sudden reduction of the density floor, which attains the final value of "floor = 10!8 at t = 230 "!1.
(A color version of this figure is available in the online journal.)

!8 !6 !4 !2 0 2 4 6 8
10

!5

10
!4

10
!3

10
!2

10
!1

10
0

P
gas

P
mag

K
E

z/H

P

10
!6

10
!5

10
!4

10
!3

10
!2

10
!1

Maxwell

ReynoldsS
tr

es
s

Figure 3. Vertical profiles of the Maxwell stress and Reynolds stress (upper
panel), as well as gas/magnetic pressure and kinetic energy (lower panel) in the
fiducial run with only Ohmic resistivity (O-b5).
(A color version of this figure is available in the online journal.)

By contrast, the Reynolds stress "vxvy as well as kinetic
energy clearly have a large dip in the undead region between
z = ±2H . There is still random motion near the midplane due
to the sound waves launched from the base of the active layer

(Fleming & Stone 2003; Oishi & Mac Low 2009), though the
velocity amplitude is at least one order of magnitude smaller
than that in the active layer.

Integrating the profiles of the Maxwell and Reynolds stresses
using Equation (12), we obtain the Shakura–Sunyaev parameter
#Max # 1.3 $ 10!2, and #Rey # 1.2 $ 10!3. Assuming steady-
state accretion, one can express the accretion rate for an MMSN
disk model as

Ṁ = 2$##c2
s

"
# 8.2 $ 10!6#R

!1/2
AU M% yr!1. (13)

Therefore, in the absence of AD, and at the fiducial location
R = 1 AU, we obtain an accretion rate of 1.2 $ 10!7 M% yr!1,
large enough to account for the observed accretion rates in most
T Tauri stars.

Given the usage of more realistic resistivity profiles and
chemistry models, as well as the much larger resistivity cap
enabled by the super time-stepping technique, our run with
pure Ohmic resistivity deserves more discussion on its own
right. Nevertheless, we only consider our run O-b5 as a test
and reference case since our main point of interest is the effect
of AD on the gas dynamics of PPDs, which makes a dramatic
difference from the conventional picture of PPD accretion.

3.2. Zero Net Vertical Flux Run with Both
Ohmic Resistivity and AD

Setting the initial density floor of "floor = 10!6, we find
that the MRI turbulence sets in at the beginning, then the
simulation gets stuck with relatively strong magnetic field
(dominantly toroidal) accumulating near the vertical boundaries
with relatively little activities. The flux does not escape and
provides very little magnetic support due to the flat profile,
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Figure 2. Space–time plot for the (horizontally averaged) vertical profiles of the Maxwell stress !BxBy in the three fiducial runs O-b5 (top), OA-nobz (middle), and
OA-b5 (bottom). The colors are in logarithmic scales (in code units). White contours in the upper panel correspond to vertical Elsasser number !z " v2

Az/!O" = 1.
The discontinuous transitions in the middle panel correspond to the sudden reduction of the density floor, which attains the final value of "floor = 10!8 at t = 230 "!1.
(A color version of this figure is available in the online journal.)
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Figure 3. Vertical profiles of the Maxwell stress and Reynolds stress (upper
panel), as well as gas/magnetic pressure and kinetic energy (lower panel) in the
fiducial run with only Ohmic resistivity (O-b5).
(A color version of this figure is available in the online journal.)

By contrast, the Reynolds stress "vxvy as well as kinetic
energy clearly have a large dip in the undead region between
z = ±2H . There is still random motion near the midplane due
to the sound waves launched from the base of the active layer

(Fleming & Stone 2003; Oishi & Mac Low 2009), though the
velocity amplitude is at least one order of magnitude smaller
than that in the active layer.

Integrating the profiles of the Maxwell and Reynolds stresses
using Equation (12), we obtain the Shakura–Sunyaev parameter
#Max # 1.3 $ 10!2, and #Rey # 1.2 $ 10!3. Assuming steady-
state accretion, one can express the accretion rate for an MMSN
disk model as

Ṁ = 2$##c2
s

"
# 8.2 $ 10!6#R

!1/2
AU M% yr!1. (13)

Therefore, in the absence of AD, and at the fiducial location
R = 1 AU, we obtain an accretion rate of 1.2 $ 10!7 M% yr!1,
large enough to account for the observed accretion rates in most
T Tauri stars.

Given the usage of more realistic resistivity profiles and
chemistry models, as well as the much larger resistivity cap
enabled by the super time-stepping technique, our run with
pure Ohmic resistivity deserves more discussion on its own
right. Nevertheless, we only consider our run O-b5 as a test
and reference case since our main point of interest is the effect
of AD on the gas dynamics of PPDs, which makes a dramatic
difference from the conventional picture of PPD accretion.

3.2. Zero Net Vertical Flux Run with Both
Ohmic Resistivity and AD

Setting the initial density floor of "floor = 10!6, we find
that the MRI turbulence sets in at the beginning, then the
simulation gets stuck with relatively strong magnetic field
(dominantly toroidal) accumulating near the vertical boundaries
with relatively little activities. The flux does not escape and
provides very little magnetic support due to the flat profile,
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Ohmic diffusion only

Dead zones are definitely dead
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Figure 4. Same as Figure 3, but for zero net vertical flux run with both Ohmic
resistivity and AD (OA-nobz). Note the different scales.
(A color version of this figure is available in the online journal.)

and the density near the vertical boundaries stays at the value of
!floor. This situation implies that the gas near vertical boundaries
tends to fall back toward disk midplane, but this is prevented
by the outflow boundary condition. Therefore, we gradually
lower the density floor over the course of the simulation and find
that the phenomena of artificial magnetic flux accumulation and
density cutoff at !floor disappears when !floor is brought down to
10!8, which is achieved at t = 230 !!1. The whole process is
reflected in Figure 2. From this time onward, the system evolves
smoothly and no artifacts are seen from the vertical boundaries.
Also note that setting such a small density floor of 10!8 at
the beginning would lead to dramatically small simulation time
step, which is not quite realistic, hence gradual reduction of
!floor is necessary, although one has to be patient to get rid of
the artifacts.

We see from Figure 2 that in the saturated state, the disk only
has extremely weak level of MRI turbulence in a very thin layer
between about z " 4 and 5H . Note that the FUV ionization
front is located at z = ±4H , beyond which we find Am ! 50
and the gas behaves almost as in the ideal MHD regime (since
density profile is still largely Gaussian, one can still use Figure 1
as a reference for the profile of Am), hence the MRI operates
in this region. Below z = 4H , the value of Am is of order
unity or smaller, and there is no evidence of turbulent activity.
This is consistent with unstratified simulation results of Bai &
Stone (2011), where it was found that the MRI is suppressed for
Am " 1 in the absence of net vertical magnetic flux.

There is some residual Maxwell stress around the disk
midplane as a result of initial conditions that slowly diminishes
over the course of the simulation. We extract the profiles of
various physical quantities and show them in Figure 4, where
the time average is performed between !t = 750 and 900. The
MRI-active region exhibits as bumps in the stress plot, as well as
the bumps in the kinetic energy plot. The magnetic field strength
roughly stays constant through the entire disk, which is likely
set by the turbulent activities in the active zone: the value of

plasma " (ratio of gas pressure to magnetic pressure) reaches
order unity within the turbulent layer. Moreover, we find that
the magnetic field is predominantly toroidal in the entire disk.

From the simulation, we find the Shakura–Sunyaev parameter
using Equation (12) to be #Max # 1.7 $ 10!6, and #Rey #
1.3 $ 10!6. For such small level of stress, we find that the
resulting accretion rate is only about 2.5 $ 10!11 M% yr!1,
which is three orders of magnitude too small compared with
observations.

We can compare this result with optimistic predictions of the
MRI-driven accretion rate using the semianalytical framework
of Bai (2011a). Using this framework, we first extract the
density profiles and the profiles of Am and $O . Assuming
constant magnetic field strength across the MRI-active layer, the
MRI-driven accretion rate can be expressed as (Equation (28)
of Bai 2011a)

Ṁ # cs

8!2

!

active
B2 dz

H
, (14)

where the integral is performed in regions where the MRI is
permitted based on the criteria (20) of Bai (2011a). We scan the
field strength to maximize Ṁ , which gives 6.6$10!10 M% yr!1

as an upper limit of the MRI-driven accretion rate. We see that
this value is a factor of more than 20 larger than our simulation
result. The main reason that our simulation yields an accretion
rate that is significantly smaller than theoretical expectations is
that the field geometry is not optimal: in both the ideal MHD
(e.g., Hawley et al. 1995; Bai & Stone 2013) and non-ideal
MHD (e.g., Fleming et al. 2000; Bai & Stone 2011), one finds
stronger turbulence in the presence of a net vertical magnetic
flux, and the optimistic estimate can possibly be achieved only
when a optimal field geometry is realized.

This simulation has also demonstrated the physical signifi-
cance of AD, which drastically reduces the accretion rate com-
pared with the Ohmic-only case. Although such a comparison
may be unfair since our Ohmic-only simulation contains net
vertical magnetic flux, Ohmic-only simulations with a similar
setup and zero net vertical flux generally yield a total stress level
that is only slightly smaller than ours (e.g., Turner et al. 2007; Il-
gner & Nelson 2008). Clearly, with AD taken into account, zero
net vertical magnetic field geometry is far from being capable
of driving rapid accretion in the inner region of PPDs.

3.3. Net Vertical Flux Run with both Ohmic Resistivity and AD

The inclusion of net vertical magnetic flux in our fiducial run
with both Ohmic resistivity and AD (OA-b5) makes the field
geometry more favorable for the MRI as we originally expect.
The bottom panel of Figure 2 illustrates the time evolution
of Maxwell stress. The initial field configuration is unstable
to the MRI, which gives rise to channel-flow-like behaviors
and initiates some turbulent activities in the surface layer.
However, we find that quite surprisingly, the system then quickly
relaxes into a non-turbulent state in about 10 orbits with the
MRI suppressed completely. The laminar configuration is then
maintained for the remaining of the simulation time.9

As the system settles to a completely laminar state, we extract
the exact vertical profiles of various physical quantities, as
shown in Figure 5. The magnetic field is strongest within about
±2.5H of the disk midplane, where the field is essentially

9 To justify the validity of this result, particularly that it is not due to an
unrealistic initial condition, we restart from the end of run O-b5 with AD
turned on and find that also in about 10 orbits of time, the system settles to the
same laminar state.
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Figure 4. Same as Figure 3, but for zero net vertical flux run with both Ohmic
resistivity and AD (OA-nobz). Note the different scales.
(A color version of this figure is available in the online journal.)

and the density near the vertical boundaries stays at the value of
!floor. This situation implies that the gas near vertical boundaries
tends to fall back toward disk midplane, but this is prevented
by the outflow boundary condition. Therefore, we gradually
lower the density floor over the course of the simulation and find
that the phenomena of artificial magnetic flux accumulation and
density cutoff at !floor disappears when !floor is brought down to
10!8, which is achieved at t = 230 !!1. The whole process is
reflected in Figure 2. From this time onward, the system evolves
smoothly and no artifacts are seen from the vertical boundaries.
Also note that setting such a small density floor of 10!8 at
the beginning would lead to dramatically small simulation time
step, which is not quite realistic, hence gradual reduction of
!floor is necessary, although one has to be patient to get rid of
the artifacts.

We see from Figure 2 that in the saturated state, the disk only
has extremely weak level of MRI turbulence in a very thin layer
between about z " 4 and 5H . Note that the FUV ionization
front is located at z = ±4H , beyond which we find Am ! 50
and the gas behaves almost as in the ideal MHD regime (since
density profile is still largely Gaussian, one can still use Figure 1
as a reference for the profile of Am), hence the MRI operates
in this region. Below z = 4H , the value of Am is of order
unity or smaller, and there is no evidence of turbulent activity.
This is consistent with unstratified simulation results of Bai &
Stone (2011), where it was found that the MRI is suppressed for
Am " 1 in the absence of net vertical magnetic flux.

There is some residual Maxwell stress around the disk
midplane as a result of initial conditions that slowly diminishes
over the course of the simulation. We extract the profiles of
various physical quantities and show them in Figure 4, where
the time average is performed between !t = 750 and 900. The
MRI-active region exhibits as bumps in the stress plot, as well as
the bumps in the kinetic energy plot. The magnetic field strength
roughly stays constant through the entire disk, which is likely
set by the turbulent activities in the active zone: the value of

plasma " (ratio of gas pressure to magnetic pressure) reaches
order unity within the turbulent layer. Moreover, we find that
the magnetic field is predominantly toroidal in the entire disk.

From the simulation, we find the Shakura–Sunyaev parameter
using Equation (12) to be #Max # 1.7 $ 10!6, and #Rey #
1.3 $ 10!6. For such small level of stress, we find that the
resulting accretion rate is only about 2.5 $ 10!11 M% yr!1,
which is three orders of magnitude too small compared with
observations.

We can compare this result with optimistic predictions of the
MRI-driven accretion rate using the semianalytical framework
of Bai (2011a). Using this framework, we first extract the
density profiles and the profiles of Am and $O . Assuming
constant magnetic field strength across the MRI-active layer, the
MRI-driven accretion rate can be expressed as (Equation (28)
of Bai 2011a)

Ṁ # cs

8!2

!

active
B2 dz

H
, (14)

where the integral is performed in regions where the MRI is
permitted based on the criteria (20) of Bai (2011a). We scan the
field strength to maximize Ṁ , which gives 6.6$10!10 M% yr!1

as an upper limit of the MRI-driven accretion rate. We see that
this value is a factor of more than 20 larger than our simulation
result. The main reason that our simulation yields an accretion
rate that is significantly smaller than theoretical expectations is
that the field geometry is not optimal: in both the ideal MHD
(e.g., Hawley et al. 1995; Bai & Stone 2013) and non-ideal
MHD (e.g., Fleming et al. 2000; Bai & Stone 2011), one finds
stronger turbulence in the presence of a net vertical magnetic
flux, and the optimistic estimate can possibly be achieved only
when a optimal field geometry is realized.

This simulation has also demonstrated the physical signifi-
cance of AD, which drastically reduces the accretion rate com-
pared with the Ohmic-only case. Although such a comparison
may be unfair since our Ohmic-only simulation contains net
vertical magnetic flux, Ohmic-only simulations with a similar
setup and zero net vertical flux generally yield a total stress level
that is only slightly smaller than ours (e.g., Turner et al. 2007; Il-
gner & Nelson 2008). Clearly, with AD taken into account, zero
net vertical magnetic field geometry is far from being capable
of driving rapid accretion in the inner region of PPDs.

3.3. Net Vertical Flux Run with both Ohmic Resistivity and AD

The inclusion of net vertical magnetic flux in our fiducial run
with both Ohmic resistivity and AD (OA-b5) makes the field
geometry more favorable for the MRI as we originally expect.
The bottom panel of Figure 2 illustrates the time evolution
of Maxwell stress. The initial field configuration is unstable
to the MRI, which gives rise to channel-flow-like behaviors
and initiates some turbulent activities in the surface layer.
However, we find that quite surprisingly, the system then quickly
relaxes into a non-turbulent state in about 10 orbits with the
MRI suppressed completely. The laminar configuration is then
maintained for the remaining of the simulation time.9

As the system settles to a completely laminar state, we extract
the exact vertical profiles of various physical quantities, as
shown in Figure 5. The magnetic field is strongest within about
±2.5H of the disk midplane, where the field is essentially

9 To justify the validity of this result, particularly that it is not due to an
unrealistic initial condition, we restart from the end of run O-b5 with AD
turned on and find that also in about 10 orbits of time, the system settles to the
same laminar state.
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Hall effect
might not save the MRI

Hall effect could revive dead zones 
[Wardle & Salmeron (2012), MNRAS, 422, 2737]

Hall-dominated MRI turbulence 11
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Figure 11. Mean turbulent stress versus Hall effect for ! = 1000, 3200,
and 10000, and !!1

! = 1, 4, and 50. The turbulent stress decreases sharply
when "H ! 0.2, separating the low-transport state from the classical high-
transport state.

does suggest an explanation for this negative result, a more system-
atic exploration of these cases is needed to verify our conclusions.
This is deferred to a future publication.

4 MEAN-FIELD THEORY OF ZONAL FIELDS AND
FLOWS

In this Section, we formulate a mean-field theory that explains the
observed transport bifurcation from a high- to a low-transport state
and the appearance of zonal magnetic fields and flows. We start
by separating the velocity and magnetic fields into fluctuating and
non-fluctuating parts:

v = v0 + !v"+ !v and B = !B"+ !B.

Upon averaging over azimuth and height, equations (3) and (4) be-
come "x!vx" = 0 and "x!Bx" = 0, respectively; it follows from
equation (2) that !Bx" = 0 if it is so initially. For clarity of presen-
tation, we further assume that !vx" = 0. Not only is this assump-
tion supported by our numerical results, but it also allows us to
cancel global epicyclic oscillations nonessential for understanding
the emergence of zonal fields and flows.

Introducing the Reynolds stress,

Rij # #!vi!vj ,

and the Faraday tensor,

Fij # !vi!Bj $ !vj!Bi,

the pertinent mean-field equations are the z-component of the av-
eraged induction equation (2),

"!Bz"
"t

= $"!Fxz"
"x

$ c
ene

"2!Mxy"
"x2

+ $
"2!Bz"
"x2

, (22)

and the z-component of the averaged vorticity equation (5),

"!%z"
"t

= $1
#
"2!Rxy"
"x2

+
1
#
"2!Mxy"

"x2
+ &

"2!%z"
"x2

. (23)

The mean vorticity,

!%z" =
"!vy"
"x

+ 2A,

in includes a contribution from the background shear (= 2A, which
is negative in Keplerian discs). Note that the averaged Maxwell
stress !Mij" comprises products of only the fluctuating magnetic
fields.

In order to solve equations (22) and (23), we must construct
models for !Fij", !Rij", and !Mij". The Faraday tensor has been
shown to be accurately modeled by a turbulent resistivity with coef-
ficient $t (Lesur & Longaretti 2009), and we take this to be the case
in what follows. We follow a similar approach for the Reynolds
stress by modeling it as a turbulent viscosity with coefficient &t.
Adopting these simplifications, our mean-field equations become

"!Bz"
"t

% ($ + $t)
"2!Bz"
"x2

$ c
ene

"2M
"x2

, (24)

"!%z"
"t

% (& + &t)
"2!%z"
"x2

+
1
#
"2M
"x2

. (25)

We consider two models for the Maxwell stress, each of which will
produce zonal behaviour very similar to that seen in our nonlinear
numerical simulations.

4.1 Case I: !Mxy" = M(!Bz")

As a first approach, we take the xy-component of the Maxwell
stress to be a function only of the local vertical magnetic flux,

!Mxy" # M(!Bz"),

and we concentrate on the evolutionary evolution for the mean ver-
tical magnetic field (eq. 24). We suppose that there is some !B0

z"
that satisfies this equation in steady-state (e.g. !B0

z" constant) and
we examine small deviations !B1

z" about that state. Linearising
equation (24), we find that such deviations satisfy

"!B1
z"

"t
%

!

$ + $t $
c

ene

dM
d!Bz"

"

"

"

"

"B0
z
#

#

"2!B1
z"

"x2
. (26)

This equation has a simple interpretation. While resistivity acts dif-
fusively on !B1

z", the Hall term may be diffusive or anti-diffusive
depending upon the local gradient of the Maxwell stress.

Fortunately, even without a specific model for M , progress
can be made. For sufficiently large values of !Bz", we expect the
MRI to be stable and M & 0. We also expect M & 0 for suf-
ficiently small values of !Bz", since unstable modes exist only
at small wavelengths where Ohmic dissipation becomes impor-
tant and suppresses turbulent transport. In between these extremes,
we know that the Maxwell stress is negative since the MRI trans-
ports angular momentum outwards. Therefore, d2M/d!Bz"2 < 0,
and so there must be a value of !B0

z" = Bz,crit above which
dM/d!Bz" > 0 and below which dM/d!Bz" < 0.

First, let us consider !B0
z" < Bz,crit. Then both the Ohmic

and Hall contributions to equation (26) are positive and any devi-
ations from steady-state diffusively decay. Now let us consider the
opposite case, !B0

z" > Bz,crit. Then the Ohmic and Hall contribu-
tions to equation (26) have opposite signs and so the Hall effect acts
anti-diffusively. If the Hall effect can overcome diffusive processes,
any increment in the local magnetic flux continues to grow and con-
tract until !Bz" becomes large enough forM & 0. By flux conser-
vation, there must be accompanying patches of decreased magnetic
flux, which we anticipate having low levels of turbulent transport
as well. We associate this scenario with the transition to the LTS.

We now make these ideas concrete by specifying a simple
model for the Maxwell stress,

c! 2013 RAS, MNRAS 000, 1–18

Despite being strongly unstable to the 
MRI, Hall dominated discs do not produce 
turbulence but zonal fields whenever

[Kunz & Lesur (2013), MNRAS, in press]
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Disc winds
Blandford & Payne paradigm

Need a large scale mean field
Magneto-centrifugal ejection when i>30°
Requires                        [Murphy+ (2010), A&A, 512, 82]                   

Magnetic
field

Accretion flow

Ejection

i

� ⌘ PTh

PMag
⇠ 1

[Blandford & Payne (1982), MNRAS, 199, 883]
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Jet formation
Coexistence of MRI and strong disc winds?

For strongly magnetised discs, the MRI spontaneously evolves into discs winds 
[Moll (2012), A&A, 548, 76 ; Lesur+ (2013), A&A, 550, A61]

� ⌘ PTh

PMag
= 10

Precursor of variability in jets?

G. Lesur et al.: The magnetorotational instability as a jet launching mechanism
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Fig. 11. Spacetime diagram of horizontally averaged quantities in a µ = 8 ! 10"2 simulation. Top: log10(!), middle: poloidal magnetic field line
inclination with respect to the vertical axis(in #), bottom: vertical velocity.

Fig. 12. Snapshots of the µ = 8 ! 10"2 solution. Logarithm of the den-
sity is represented in coloured volume rendering whereas field lines are
represented as tubes. From top to bottom: t = 20; t = 40; t = 270. x axis
is horizontal and z axis is vertical.

modes, we use a Fourier decomposition in the x direction to
characterise growing modes:

! = !0(z, t) + "!(x, z, t) (26)

"!(x, z, t) = $
!
"""""#
$

K

!K(z, t) exp(ikx)

%
&&&&&' (27)

and similarly for u and B. In this expansion, we have assumed the
instability was growing on the top of the 1D solution !0(z) given
by the final state of run 1DR!". We first present the temporal
evolution of the fluctuation

(
%"!2& in Fig. 13. We find that per-

turbations grow exponentially with a growth rate # = 0.33! up
to t ' 40 where a saturation is reached. To further investigate the
behaviour of this instability, we present the temporal evolution
of |!K(z = 0.5)| as a function of k in Fig. 14. As it can readily be
seen, the growth is dominated by modes having n ( kLx/2$ = 4
which is consistent with the 4 “spots” observed in Fig. 12. The
measured growth rate of this mode is # = 0.33! which ex-
plains its fast appearance in 3D simulations once an outflow has
formed. However, other neighbouring modes are growing as well
(n = 3; 5; 6) although not as fast as the n = 4 mode. Finally once
the n = 4 mode reaches large amplitudes (|!K| ) 1), we note
the sudden growth of the n = 8 and n = 9 modes which are
the result of nonlinear interactions of the fastest growing modes
n = 3; 4; 5; 6.

To analyse the physics underlying the n = 4 mode, we
present in Fig. 15 the density fluctuations corresponding to that
eigenmode. We first note that the density fluctuation is highly
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Fig. 11. Spacetime diagram of horizontally averaged quantities in a µ = 8 ! 10"2 simulation. Top: log10(!), middle: poloidal magnetic field line
inclination with respect to the vertical axis(in #), bottom: vertical velocity.

Fig. 12. Snapshots of the µ = 8 ! 10"2 solution. Logarithm of the den-
sity is represented in coloured volume rendering whereas field lines are
represented as tubes. From top to bottom: t = 20; t = 40; t = 270. x axis
is horizontal and z axis is vertical.

modes, we use a Fourier decomposition in the x direction to
characterise growing modes:

! = !0(z, t) + "!(x, z, t) (26)

"!(x, z, t) = $
!
"""""#
$

K

!K(z, t) exp(ikx)

%
&&&&&' (27)

and similarly for u and B. In this expansion, we have assumed the
instability was growing on the top of the 1D solution !0(z) given
by the final state of run 1DR!". We first present the temporal
evolution of the fluctuation

(
%"!2& in Fig. 13. We find that per-

turbations grow exponentially with a growth rate # = 0.33! up
to t ' 40 where a saturation is reached. To further investigate the
behaviour of this instability, we present the temporal evolution
of |!K(z = 0.5)| as a function of k in Fig. 14. As it can readily be
seen, the growth is dominated by modes having n ( kLx/2$ = 4
which is consistent with the 4 “spots” observed in Fig. 12. The
measured growth rate of this mode is # = 0.33! which ex-
plains its fast appearance in 3D simulations once an outflow has
formed. However, other neighbouring modes are growing as well
(n = 3; 5; 6) although not as fast as the n = 4 mode. Finally once
the n = 4 mode reaches large amplitudes (|!K| ) 1), we note
the sudden growth of the n = 8 and n = 9 modes which are
the result of nonlinear interactions of the fastest growing modes
n = 3; 4; 5; 6.

To analyse the physics underlying the n = 4 mode, we
present in Fig. 15 the density fluctuations corresponding to that
eigenmode. We first note that the density fluctuation is highly
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[Lesur+ (2013), A&A, 550, A61]
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Disc winds in weakly magnetised discs

Stratified box simulations with a mean vertical field always show «weak» 
magnetically driven winds 
[Suzuki & Inutsuka (2009), ApJ, 691, L49 ; Fromang+ (2013), A&A, 552, A71 ; Bai & Stone (2013), ApJ, 767, 30]

Could explain                                  in «dead» parts of the disc & in outer parts 
[Bai & Stone (2013), ApJ, 769, 76 ; Simon+ (2013) arXiv:1306.3222]

� ⌘ PTh

PMag
= 103—105

ṀAcc ⇠ 10�8 M�/yr

BUT: some quantitative results (eg mass loss rate in the wind) depend strongly on the box size! 
[Suzuki+ (2010), ApJ, 718, 1289 ; Lesur+ (2013), A&A, 550, A61 ; Fromang+ (2013), A&A, 552, A71]
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Table 2
Wind Properties from All Fiducial Simulations

Run !Max T Max
z" Ṁw zb zA Psh ĖP ĖK

OA-b5 2.27 ! 10"4 1.07 ! 10"4 3.06 ! 10"5 4.69 6.10 1.90 ! 10"3 7.66 ! 10"4 4.38 ! 10"4

S-OA-b5 2.42 ! 10"4 1.06 ! 10"4 2.86 ! 10"5 4.63 6.22 2.02 ! 10"3 8.05 ! 10"4 4.03 ! 10"4

E-OA-b5 1.38 ! 10"4 1.05 ! 10"4 2.72 ! 10"5 4.56 6.23 1.61 ! 10"3 7.30 ! 10"4 4.21 ! 10"4

S-OA-b5-12H 2.09 ! 10"4 9.67 ! 10"5 4.13 ! 10"5 4.45 5.33 1.28 ! 10"3 4.63 ! 10"4 2.28 ! 10"4

S-OA-b5-20H 2.60 ! 10"4 1.13 ! 10"4 2.23 ! 10"5 4.70 7.12 2.77 ! 10"3 1.18 ! 10"3 5.32 ! 10"4

S-OA-b5-24H 2.58 ! 10"4 1.18 ! 10"4 2.02 ! 10"5 4.83 7.67 3.25 ! 10"3 1.14 ! 10"3 8.55 ! 10"4

Notes. !Max: normalized Maxwell stress in the disk zone; T Max
z" : wind stress at wind base; Ṁw : total mass-loss rate (from both sides of the disk); zb:

location of the wind base; zA: location of the Alfvén point; Psh: rate of work done at the shearing-box boundaries; EP: energy loss rate due to Poynting
flux; and EK : kinetic part of the energy loss rate. All quantities are in natural units (#0 = cs = ! = 1).

#vz = 1.5 ! 10"5#0cs from each side of the simulation box.
The Alfvén critical point, given by vz = vAz = Bz/

#
#, is

contained within our simulation box and is indicated in the
upper right panel of Figure 5. Moreover, according to the con-
ventional definition (Wardle & Koenigl 1993), we define the
base of the outflow at the location where the azimuthal velocity
starts to become super-Keplerian, and then it will become more
obvious later about this definition (see Figure 8).

Our fiducial run OA-b5 suggests that the structure of the
disk has a pure 1D profile. To verify this result, we perform a
new simulation (run S-OA-b5) with everything kept the same
except that the horizontal domain is reduced to 0.125H !0.25H
resolved by 4 ! 4 cells. We will refer to this type of run as
“quasi-1D” simulations. Such a small box is obviously too
small to study the MRI, but we find that except for different
initial evolution of the original MRI-unstable configuration, the
system relaxes to exactly the same laminar state with a strong
outflow as in the fiducial run OA-b5. Moreover, we have further
checked that although the initial evolution involves horizontal
variations, such variations vanish as the system relaxes to the
final steady state.10 Therefore, we conclude that the inclusion
of AD makes the disk structure purely 1D.

In sum, we have seen that the three fiducial simulations
differ with each other in only one piece of physics, while
showing dramatically different characteristics. These results
best demonstrate the importance of including AD in the study
of gas dynamics in PPDs, as well as the significant role played
by the magnetic field geometry. They strongly suggest that the
MRI operates extremely ineffectively in the inner region of
PPDs. In the meantime, the new laminar solution from our run
OA-b5 strongly points to the magnetocentrifugal wind as the
most promising driving mechanism for PPD accretion. The
richness of the new findings deserves detailed study, and we
devote the next section to address the nature of the new laminar
wind solution. Moreover, the 1D nature of the new solution
allows us to perform the simulations using very small horizontal
domains, which tremendously reduces the computational cost.

4. NATURE OF THE WIND SOLUTION

In this section, we do detailed analysis of our new laminar
wind solution from run OA-b5. Table 2 summarizes the main
physical properties of our fiducial laminar wind run together
with a number of companion runs as they will be elaborated in
the text.

10 However, if we start from a pure one-dimensional profile, the system will
remain one-dimensional but does not relax to a steady state.
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Figure 6. Poloidal field line geometry in our fiducial run OA-b5 (blue solid
line). Overplotted are the unit vectors of the poloidal gas velocity (red arrows).
The location of the wind launching point, the plasma $ = 1 point, the FUV
ionization front, and the Alfvén point are indicated (black dash-dotted). Also
marked is the location at the base of the wind (green dashed).
(A color version of this figure is available in the online journal.)

4.1. Field Line Geometry and Wind Launching

We first consider the geometry of poloidal magnetic field
lines, from which much insight can be gained on the wind
launching mechanism. Using the magnetic field vectors from
our run OA-b5, we integrate a poloidal field line from the disk
midplane all the way to the vertical boundary of our simulation
box, and show the results in Figure 6. In the meantime, we
overplot the direction of velocity vectors as red arrows.

The field line is straight within about ±2.5H from the
midplane due to the extremely large resistivity, where the gas
and magnetic field are essentially decoupled as we discussed in
the previous section. The field lines start to bend once the gas
become partially coupled to the magnetic field, characterized by
Ohmic as well as AD Elsasser numbers, # and Am, exceeding
unity, which occurs at z $ ±2.3H , as can be seen from the
bottom left panel of Figure 5. We label this point as the launching
point in Figure 6. Beyond this point, the azimuthal magnetic field
decreases rapidly with height, creating large current density in
the radial direction. Together with the vertical field, we obtain
the following force balance equation in the azimuthal direction:

Bz

dBy

dz
" 1

2
#!vx = 0, (15)

10

δr/H

Bai & Stone (2013), ApJ, 769, 76



Conclusions regarding MHD processes

The MRI is likely to be absent/insufficient in large parts of protoplanetary 
discs (1 to 10-30 AU)

Results depend crucially on non-ideal MHD effects (controlled by 
heating/cooling, CRs, FUV, PAHs, dust settling, chemistry...)
Hall effect will probably not save the MRI 
Weak magneto-centrifugal winds might be the answer (but many 
numerical artefacts in box simulations)

20

Global MRI+wind simulations are the next step



Gravitational instability

21



Gravitational instability
General criteria

22

Criterion for a disc to be gravitationally unstable

Outcome of GI (fragmentation/gravito-turbulence) depends on the 
cooling time

Gravito-turbulence gives 

[Toomre (1964) ApJ, 139, 1217]

[Gammie (2001), ApJ, 553, 174]
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Fragmentation condition depends on numerical resolution and is stochastic !

Gravitational instability
fragmentation inevitable?

23

[Meru & Bate (2011), MNRAS, 411, L1–L5]

L4 F. Meru and M. R. Bate

Figure 3. Graph of ! against resolution of the non-fragmenting (open
squares), fragmenting (solid triangles) and borderline (open circles) sim-
ulations. The borderline simulations are those that fragment but whose
fragments are sheared apart and no further evidence of fragmentation is
seen. The solid black line shows a dividing line between the fragmenting
and non-fragmenting cases and the grey region is where fragmentation can
take place. The graph shows no evidence of convergence of results with in-
creased resolution. The thin dotted line shows how the trend will continue if
convergence is not reached with higher resolution than 16 million particles.
If convergence can be reached, the dotted line is expected to follow a flatter
profile.

4 DISCUSSION

To date, it has been widely accepted that a single critical value of the
gravitational stress determines if a disc will fragment. However, a
thorough convergence test has not been carried out. The dependence
of fragmentation on resolution presented in this Letter shows that
convergence has clearly not taken place. This therefore calls into
question many of the previous results on the fragmentation boundary
(e.g. Gammie 2001; Rice et al. 2003, 2005; Alexander et al. 2008;
Cossins et al. 2010; Meru & Bate 2010b), as well as any results that
have taken the critical value of the gravitational stress to be a single
value of "GI ! 0.06 (or a similarly high value of "GI), and based
conclusions on these (e.g. Clarke 2009; Nero & Bjorkman 2009;
Rafikov 2009; Kratter, Murray-Clay & Youdin 2010).

It is possible that results that are relative to each other may still
stand. For example, Rice et al. (2005) clearly showed that a stiff
equation of state requires a faster cooling for fragmentation to occur.
Similarly, Meru & Bate (2010b) presented physical arguments for
why the cooling that is required for fragmentation may vary for
different surface mass densities and star masses. However, until
convergence is demonstrated, all such results must be treated with
caution.

If convergence can be obtained at higher resolution, these results
imply that !crit can be much higher than previously thought. In light
of the new results presented here, we caution against using cool-
ing time-scale or gravitational stress arguments to deduce whether
certain planetary systems may or may not have formed by grav-
itational instability. Clarke (2009) produced an analytical model
for the structure of a gravitationally unstable disc which is sub-
ject to realistic cooling. She showed that for optically thick discs,
which are sufficiently low in temperature that they are dominated

Table 2. Table showing how the critical radius of fragmentation according
to Clarke (2009) may be affected for a disc surrounding a 1 and 1.5 M"
star for the different values of !crit identified for discs with 31,250, 250,000,
2 million and 16 million particles.

No. of !crit "GI,max Rcrit Rcrit
particles (M# = 1 M") (M# = 1.5 M")

31 250 3.25 0.12 77 au 88 au
250 000 5.6 0.07 68 au 78 au
2 million 10.0 0.04 60 au 69 au
16 million 18.0 0.02 53 au 60 au

by ice grains,

"GI = 0.4

!
R

100 au

"9/2

, (5)

for a disc with interstellar opacities and surrounding a 1 M" star,
where R is the radius being considered. This relationship shows that
for a maximum value of the gravitational stress, a critical radius,
Rcrit, can be found outside of which fragmentation can occur (for a
disc with a shallow surface mass density profile). For example, if
"GI,max ! 0.07, then, Rcrit ! 68 au. The critical radius also scales
as M1/3

# (as described by Clarke 2009) and also depends on the
metallicity and grain sizes in the disc (as shown by Meru & Bate
2010a). One might then use this to compare to observational data
and conclude whether a system may or may not have formed via
gravitational instability.

Table 2, however, shows the equivalent value of "GI,max that is
associated with the value of !crit identified for each resolution con-
sidered in this Letter, as well as the critical radius outside of which
fragmentation may take place according to Clarke (2009) for central
star masses of 1 and 1.5 M". It can be seen that the critical radius
of fragmentation identified for a disc with 16 million particles is
smaller than the value identified for a disc with 250 000 by >20 per
cent. This can have profound consequences on the interpretation of
observational results. Table 2 shows that while the value of "GI,max

from simulations using 250 000 particles may cause one to conclude
that the outer planet around the 1.5 M" A star, HR 8799 (Gray &
Kaye 1999), may be difficult to form by gravitational instability
[since its projected separation, according to Marois et al. (2008),
is !68 au], the results using 16 million particles suggest that this
planet could have formed by gravitational instability.

Finally, with the results as they stand, it is possible that conver-
gence will never be obtained regardless of the resolution. If this is
the case, it suggests that the problem may be ill posed. In other
words, it may not be possible for a disc to settle into an equilib-
rium where there is a balance between heating from gravitational
instabilities and a simple imposed cooling time-scale. We note that
once our simulations have developed significant density structure
(but well before fragmentation), the temperature of the gas at a
given radius tends to be lower at higher densities. The cooling rate
is an imposed function that only depends on radius from the star
and takes no account of the density structure (which is not true of
a realistic disc). Therefore, a possible explanation for the lack of
convergence is that while the low-density gas in the disc is being
heated by the high-density gas passing through it, the high-density
gas has no such internal heating source and continues to cool, form-
ing denser structures. The higher the resolution, the worse such a
problem may become. Clearly more testing needs to be done to
definitively determine the reason for the lack of convergence.

C# 2010 The Authors, MNRAS 411, L1–L5
Monthly Notices of the Royal Astronomical Society C# 2010 RAS
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Figure 10. Evolution of the maximum surface density (top panel) and the
measured value of ! (bottom panel) for four realizations with Nx = Ny =
2048 and " = 7 with # = H. The dotted line in the bottom panel indicates
the prediction of equation (3).

This effect therefore does not rely heavily on small scales in the
gravitational potential. However, no fragmentation was found for
" > 10, in contrast to the simulations with # = 0. Thus, while the
overall picture is very similar, with transient clumps clearly visible
in Fig. 10, the efficiency of stochastic fragmentation is reduced for
# = cs/$. Three-dimensional simulations are necessary to see which
case is appropriate.

A similar story holds for changing the flux limiter. Simulations
using the diffusive minmod flux limiter, obtained by setting s = 1
in equation (48), still show transient clumps and stochastic frag-
mentation, but only up to " = 5 for the standard resolution. This
is expected: since the minmod limiter introduces more numerical
diffusion, it is more difficult for transient clumps to survive long
enough to collapse. It is worth pointing out that in some multi-
dimensional problems, the minmod limiter appears to give more
diffusion than finite difference codes (Paardekooper, Thébault &
Mellema 2008).

7 D ISCUSSION

We have shown in the previous section that disc fragmentation is
a stochastic process in the simplified system under consideration.
It is likely that some of the simplifications made will affect the
efficiency of disc fragmentation for longer cooling times. We discuss
the three most important ones below, before we focus on possible
implications.

7.1 Limitations

First of all, we have worked in two dimensions only. This means
that all quantities should be thought of as being integrated over
the disc scale height H. While this is straightforward for the gas
density, velocities and pressure, the potential due to self-gravity
poses a problem. The force due to self-gravity should be smoothed
over a length comparable to the scale height. While introducing a

smoothing length did not change the results in a qualitative way
(see Section 6.4), three-dimensional simulations are needed to de-
termine whether the smoothed or the unsmoothed results are more
appropriate for three-dimensional discs.

Secondly, the use of the simple cooling law of equation (2) is
questionable as soon as fragments form. When the density goes up
by orders of magnitude, cooling should slow down dramatically.
This can be a very important effect in the present situation, where
clumps are formed on a continuous basis, trying to cool down
before they are destroyed. The survival of clumps strongly depends
on their ability to cool, and it is likely that when cooling slows down
at increasing surface density, the likelihood of survival goes down.

Finally, we have considered local models only. While this is
advantageous for studying a steady gravitoturbulent state, it is im-
possible to say how the disc came into this state (e.g. Kratter &
Murray-Clay 2011) or what happens to any fragments that have
formed. For example, it is likely that these newly formed objects are
subject to rapid radial migration (Baruteau, Meru & Paardekooper
2011). Furthermore, any interaction with global modes (Lodato &
Rice 2005) is necessarily excluded from the current study.

7.2 Implications

The most important conclusion from the results presented in Sec-
tion 6 is that there is no such thing as a steady gravitoturbulent state
in the simple case of "-cooling, at least not for " < 20. Even though
the disc can balance the imposed cooling for many dynamical time-
scales (see Fig. 7), there is always a chance the disc will fragment at
some point. This means there is no rock-solid criterion for disc frag-
mentation based on the cooling time-scale. Fragmentation just gets
less likely for higher values of ". The classical cooling criterion,
which states that cooling should occur on a dynamical time-scale,
is in a way a condition for fragment survival as well: for " ! 1,
clumps cannot be sheared apart by tidal forces (see Section 6.2),
ensuring essentially a 100 per cent survival rate.

The maximum time span we have considered is $tmax = 1000.
Since the self-gravitating phase of protoplanetary discs is thought
to last only for !105 yr (e.g. Laughlin & Bodenheimer 1994), if
we take our sheet to be located at 100 au, there is less than $tmax

available before the disc is no longer self-gravitating. It has to be
kept in mind that even though steady gravitoturbulence may not
exist formally in the simple case of "-cooling, it is only necessary
to be steady for a finite time span. There is therefore a value of " for
which fragmentation becomes impractical, because it just takes too
long for a rare event (the survival of a clump) to happen. It is difficult
to say, for a given value of ", exactly when the disc will fragment.
This will for example depend on the total area of the sheet under
consideration; larger sheets have a better chance to fragment. Since
the vast majority of clumps will not survive, and since they contract
on a cooling time-scale, it is necessary to integrate for several 100s
of cooling time-scales to see fragmentation.

Based on these results for discs with simplified thermodynamics,
it is dangerous to model the self-gravitating phase of disc evolution
using an !-model. As soon as fragmentation sets in, stresses become
dominated by the fragment (see e.g. the bottom panel of Fig. 5).
The extent to which the fragment can come to dominate will depend
on its final mass, which is likely not to be captured very well in the
current simulations because of the simple cooling law. If cooling
becomes less efficient at higher density, the growth time of the
fragments will likely go up, and the impact of the fragment will
not be as dramatic as depicted in Fig. 5. Moreover, it is likely that
the fragment will be subject to rapid orbital migration (Baruteau

C" 2012 The Author, MNRAS 421, 3286–3299
Monthly Notices of the Royal Astronomical Society C" 2012 RAS
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Figure 10. Evolution of the maximum surface density (top panel) and the
measured value of ! (bottom panel) for four realizations with Nx = Ny =
2048 and " = 7 with # = H. The dotted line in the bottom panel indicates
the prediction of equation (3).

This effect therefore does not rely heavily on small scales in the
gravitational potential. However, no fragmentation was found for
" > 10, in contrast to the simulations with # = 0. Thus, while the
overall picture is very similar, with transient clumps clearly visible
in Fig. 10, the efficiency of stochastic fragmentation is reduced for
# = cs/$. Three-dimensional simulations are necessary to see which
case is appropriate.

A similar story holds for changing the flux limiter. Simulations
using the diffusive minmod flux limiter, obtained by setting s = 1
in equation (48), still show transient clumps and stochastic frag-
mentation, but only up to " = 5 for the standard resolution. This
is expected: since the minmod limiter introduces more numerical
diffusion, it is more difficult for transient clumps to survive long
enough to collapse. It is worth pointing out that in some multi-
dimensional problems, the minmod limiter appears to give more
diffusion than finite difference codes (Paardekooper, Thébault &
Mellema 2008).

7 D ISCUSSION

We have shown in the previous section that disc fragmentation is
a stochastic process in the simplified system under consideration.
It is likely that some of the simplifications made will affect the
efficiency of disc fragmentation for longer cooling times. We discuss
the three most important ones below, before we focus on possible
implications.

7.1 Limitations

First of all, we have worked in two dimensions only. This means
that all quantities should be thought of as being integrated over
the disc scale height H. While this is straightforward for the gas
density, velocities and pressure, the potential due to self-gravity
poses a problem. The force due to self-gravity should be smoothed
over a length comparable to the scale height. While introducing a

smoothing length did not change the results in a qualitative way
(see Section 6.4), three-dimensional simulations are needed to de-
termine whether the smoothed or the unsmoothed results are more
appropriate for three-dimensional discs.

Secondly, the use of the simple cooling law of equation (2) is
questionable as soon as fragments form. When the density goes up
by orders of magnitude, cooling should slow down dramatically.
This can be a very important effect in the present situation, where
clumps are formed on a continuous basis, trying to cool down
before they are destroyed. The survival of clumps strongly depends
on their ability to cool, and it is likely that when cooling slows down
at increasing surface density, the likelihood of survival goes down.

Finally, we have considered local models only. While this is
advantageous for studying a steady gravitoturbulent state, it is im-
possible to say how the disc came into this state (e.g. Kratter &
Murray-Clay 2011) or what happens to any fragments that have
formed. For example, it is likely that these newly formed objects are
subject to rapid radial migration (Baruteau, Meru & Paardekooper
2011). Furthermore, any interaction with global modes (Lodato &
Rice 2005) is necessarily excluded from the current study.

7.2 Implications

The most important conclusion from the results presented in Sec-
tion 6 is that there is no such thing as a steady gravitoturbulent state
in the simple case of "-cooling, at least not for " < 20. Even though
the disc can balance the imposed cooling for many dynamical time-
scales (see Fig. 7), there is always a chance the disc will fragment at
some point. This means there is no rock-solid criterion for disc frag-
mentation based on the cooling time-scale. Fragmentation just gets
less likely for higher values of ". The classical cooling criterion,
which states that cooling should occur on a dynamical time-scale,
is in a way a condition for fragment survival as well: for " ! 1,
clumps cannot be sheared apart by tidal forces (see Section 6.2),
ensuring essentially a 100 per cent survival rate.

The maximum time span we have considered is $tmax = 1000.
Since the self-gravitating phase of protoplanetary discs is thought
to last only for !105 yr (e.g. Laughlin & Bodenheimer 1994), if
we take our sheet to be located at 100 au, there is less than $tmax

available before the disc is no longer self-gravitating. It has to be
kept in mind that even though steady gravitoturbulence may not
exist formally in the simple case of "-cooling, it is only necessary
to be steady for a finite time span. There is therefore a value of " for
which fragmentation becomes impractical, because it just takes too
long for a rare event (the survival of a clump) to happen. It is difficult
to say, for a given value of ", exactly when the disc will fragment.
This will for example depend on the total area of the sheet under
consideration; larger sheets have a better chance to fragment. Since
the vast majority of clumps will not survive, and since they contract
on a cooling time-scale, it is necessary to integrate for several 100s
of cooling time-scales to see fragmentation.

Based on these results for discs with simplified thermodynamics,
it is dangerous to model the self-gravitating phase of disc evolution
using an !-model. As soon as fragmentation sets in, stresses become
dominated by the fragment (see e.g. the bottom panel of Fig. 5).
The extent to which the fragment can come to dominate will depend
on its final mass, which is likely not to be captured very well in the
current simulations because of the simple cooling law. If cooling
becomes less efficient at higher density, the growth time of the
fragments will likely go up, and the impact of the fragment will
not be as dramatic as depicted in Fig. 5. Moreover, it is likely that
the fragment will be subject to rapid orbital migration (Baruteau

C" 2012 The Author, MNRAS 421, 3286–3299
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[Paardekooper (2012), MNRAS, 421, 3286]

Gravito-turbulence might not be long lived



Conclusions on gravitational instability

Gravitational instability can be active in dense & cold disc regions (outer parts of 
young discs)

Outcome of GI still uncertain (resolution sensitivity, stochastic fragmentation). 
Maybe GI always lead to fragmentation?
Behaviour & convergence with more realistic cooling function ?
[Michael+ (2012), ApJ, 746, 98 ; Steiman-Cameron+ (2013), ApJ, 768, 192]
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Hydrodynamic instabilities
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Driven by the radial entropy gradient                       [Klahr & Bodenheimer (2003), ApJ, 582, 869]

Cooling, heating and finite amplitude perturbations are essential 
[Petersen+ (2007), ApJ, 658, 1252 ; Lesur & Papaloizou (2010), A&A, 513, 60]

Leads to                              

Baroclinic instability
� ⌘ � d lnS

d lnR
> 0

↵ ⇠ 10�3—10�2

The Astrophysical Journal, 765:115 (12pp), 2013 March 10 Raettig, Lyra, & Klahr
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Figure 9. Saturation values of !2
z , "rms and urms as a function of saturated (value

at the end of the simulation for # = 0.5) $-value and all our runs with the small
physical domain (runs A–P). The symbols show the different combinations of
%cool (left numbers) and %diff (right numbers). Where red are runs with black
# = 2.0, # = 1.0 and green # = 0.5. The black dashed line shows the
dependency that we fit.
(A color version of this figure is available in the online journal.)
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(A color version of this figure is available in the online journal.)

Our simulations were conducted partly on the MPIA cluster
THEO in Garching, and on the JUGENE machine of the JSC
using the grand HHD19. This work was partially supported
by the National Institute for Computational Sciences (NICS)

0.1 1.0 10.0 100.0 1000.0
time(orbits)

10!7

10!6

10!5

10!4

10!3

10!2

10!1

E
ki

n[c
s2 ]

%=2; iso ! TRAMP

%=0; adi ! TRAMP

%=2; iso ! Pencil Code

%=2; adi ! Pencil Code

Figure 11. Comparison of the kinetic energy for isothermal and adiabatic
setup with the TRAMP code and the Pencil Code. Both codes show the
identical behavior for the isothermal case (dashed and dotted lines), yet in
the adiabatic case the TRAMP code shows an artificial amplification of kinetic
energy (dashed-dotted line). The Pencil Code does not show this behavior.
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APPENDIX

NUMERICAL ARTEFACTS

Shearing sheet simulations with the TRAMP code have
displayed unreliable behavior for the extreme cases of cooling
times, either isothermal (%cool = 0) or adiabatic (%cool = !). In
the first case, a global pressure gradient in a locally isothermal
disk leads to the amplification of radially propagating sound
waves, which is a physically realistic case (Klahr 2013, private
communication), but only shows up in local radially periodic
simulations because the sound wave can propagate through
the box for an unlimited amount of time, which of course
is not possible in a global disk. This physical instability can
thus be found both in 1D radial TRAMP as well as in Pencil
Code simulations with remarkably identical growth behavior.
This means that having a too short cooling time artifacts from
these radially propagating sound waves could ruin our models.
Nevertheless, a cooling time of %cool = 0.01 will suppress these
sound wave instability completely.

On the other hand, the adiabatic simulations using the
TRAMP code were showing a weak amplification of kinetic
energy over very long timescales which is the accumulation of
numerical error in the quasi dissipation free TRAMP scheme.
This behavior is independent of the chosen entropy gradient and
results from the conservative treatment of Coriolis forces. Again
the Pencil Code with its explicit dissipation does not allow for
this accumulation of this numerical error, even in the presence of
a radial entropy gradient (see the solid and dashed-dotted lines in
Figure 11).
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kinetic energy grow due to the baroclinic term (Fig. 5). After
about five orbital periods, anticyclonic vortices begin to form,
and by 10 orbital periods, the domain is populated by numerous
small anticyclones. Cyclonic (anticyclonic) fluid rotates in the
same (opposite) direction as the background fluid and is denoted
by positive (negative) vorticity perturbation in the figures. It is
well known that anticyclones can be long lived in a Keplerian
disk, while cyclones shear out into thin filaments that eventually
dissipate away (Godon& Livio 1999; Marcus 1990; Marcus et al.
2000). An anticyclonic vortex has a positive azimuthal velocity at
small inner radii and a negative azimuthal velocity at large outer
radii. This means that anticyclonic vortices can smoothly match
the background shear flow and therefore extract energy from the
Keplerian shear. Cyclonic vortices cannot smoothly match the
background shear flow and are therefore sheared apart.

After the initial period of vortex formation, the vortices merge
and grow in strength (Figs. 3 and 4). This merging behavior is

similar to the merging of like-signed vortices in two-dimensional
isotropic turbulence, which transfers energy from smaller to larger
scales (the inverse cascade). However, in shearing flows vortices
do not merge as readily and must be sufficiently close in the radial
direction. It is not at all clear that this merging of vortices can
occur in a fully three-dimensional disk if the initial radial vortex
scale is small compared to the disk scale height. On the other hand,
if vortices primarily form on the upper and lower surfaces of a
vertical stratified disk, as found by Barranco & Marcus (2005),
then it may be possible for small-scale vortices to merge in these
surface layers. Further discussion and images of vortex merger,
longevity, and distribution can be found in Godon & Livio
(1999) and Umurhan & Regev (2004).

There is a clear ‘‘sandwich’’ pattern of temperature perturba-
tions around each vortex (Fig. 4); the vortex advects warmer fluid
toward the outside of the disk and cooler fluid toward the inside of
the disk. In the sandwich analogy, the temperature perturbations are

Fig. 2.—Perturbation vorticity ! 0 in the quarter-annular computational domain for simulation A1. The time t refers to the orbital period in the middle of the annulus. At
very early time (left), the vorticity is simply sheared by the background differential rotation. By five orbital periods (middle), a few anticyclonic vortices begin to fold over,
and by 10 orbital periods (right), numerous small anticyclonic vortices have formed. [See the electronic edition of the Journal for a color version of this figure.]

Fig. 3.—Perturbation vorticity ! 0 (top row) and perturbation temperature T 0 (bottom row) for simulation A1, where the radiative cooling time is fast (" ! 1). In this
regime, the baroclinic feedback remains strong, and vortices remain strong for the full simulation. [See the electronic edition of the Journal for a color version of this figure.]

BAROCLINIC VORTICITY PRODUCTION. II. 1255No. 2, 2007

Petersen+ (2007), ApJ, 658, 1252



Vortices are unstable in 3D [Lesur & Papaloizou (2009), A&A, 498, 1]

3D circulation complicates the picture [Meheut+ (2010), A&A, 516, 31]

Vortices migrate 
[Paardekooper+ (2010), ApJ, 725, 146]

Problems with the vortex scenario
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Figure 7. Migration speed in disks with H0 = 0.1r0 and the same initial
perturbation as in Figure 1 for different surface density profiles.

the results are depicted in Figure 7. The migration speed is
approximately proportional to !!, with outward migration
happening for surface density profiles that increase outward. As
indicated above a constant surface density disk shows almost
no vortex migration. For such a disk, the geometrical effects
favoring inward migration (see Section 5) are almost exactly
balanced by the asymmetry of the vortex, which favors outward
migration. The vortex asymmetries make vortex migration more
strongly dependent on ! than is the case for linear Type I
planetary migration (Tanaka et al. 2002) that requires ! ! !2.5
for migration reversal.

The asymmetry in the vortex can be seen, for example, in the
Fourier components of the radial velocity. In Figure 8, we show
the m = 10 component for a constant vortensity disk (black
curves) and a constant surface density disk (gray lines). The
approximate size of the vortex is indicated by the vertical dotted
line. The constant vortensity disk gives rise to a vortex that
is almost symmetric for small |x|, as expected. The constant
surface density disk shows a stronger response in the inner
disk (dashed curve), which favors outward migration and works
against the geometrical effects of Section 5. From Figure 7 we
see that for this disk, these competing effects almost cancel each
other, resulting in almost no migration for ! = 0. We comment
that for a disk with a temperature gradient (through a spatially
varying, but constant in time, sound speed), this neutral state
corresponds to a disk with constant pressure.

7.2. Migration and Disk Thickness

Until now, we have focused on a disk with H0 = 0.1r0.
Since we need to be able to resolve the vortex, which is
of size H0/2 typically, it is numerically convenient to work
with relatively thick disks. However, we expect the angular
momentum transport, and therefore the migration speed of the
vortex, to depend on H0. From Equation (9), we expect vortices
of size "H0 and velocity perturbations "cs , that A # H 3

0 . Since
the most important contributions to the angular momentum flux
come from m " r0/H0, we see from Equation (36) that the
ratio of wave actions outside the orbital radius of the vortex and
inside the orbital radius of the vortex is Ao/Ai $ 1 ! CH0/r0,

0.00 0.02 0.04 0.06 0.08 0.10 0.12 0.14
|x|

2.0•10-4
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3.5•10-4

4.0•10-4
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,m

out
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Figure 8. Variation of the m = 10 component of the radial velocity with distance
to the vortex x = (r ! rvort)/rvort, in an isothermal disk with H0 = 0.1r0. The
regions inside and outside of the vortex are represented by dashed and solid
curves, respectively. Two density profiles are considered: ! = 3/2 (black curves)
and ! = 0 (gray curves). The vertical dotted line indicates the approximate
extent of the vortex.

with C being a numerical constant of order unity. This means
that the action difference #A = Ai ! Ao # H 4

0 . This equals the
rate of angular momentum transfer between vortex and disk and
therefore governs vortex migration.

In the top panel of Figure 9, we show the measured wave
action inside the orbit of the vortex (circles), outside the orbit
of the vortex (triangles), and their difference for different values
of H0. The size of the initial perturbation is a fixed fraction
(1/2) of H0, and the magnitude of the velocity perturbation is
a fixed fraction of the sound speed (3/4). With these initial
conditions, we expect above scalings to hold approximately. We
have overplotted fits through the numerical results # H 3

0 (for Ai

and Ao) and # H 4
0 (for #A), showing that indeed these scalings

hold for a wide range of H0, even in cases where the disk can
no longer be called “thin.”

The angular momentum of the vortex scales as H 2
0 , according

to Equation (46). Combined with an angular momentum transfer
rate # H 4

0 as derived above, we derive a migration timescale
# H!2

0 , or a radial velocity of the vortex # H 2
0 . This is the

relation we explore in the bottom panel of Figure 9, where
we show the magnitude of the migration velocity of the vortex
for different values of H0. The solid curve is a fit through the
numerical data # H 2

0 , showing that again the scaling derived
shows good agreement with the numerical simulations. Note
that unlike for the case of planet migration, vortex migration
is faster in thicker disks. This is because the size of the vortex
scale with H0, so that for all H0 we get a similar perturbation.
This would amount to considering planets of higher mass in
thicker disks.

Even though vortex migration slows down for thinner disks,
it is still very substantial at H0 = 0.05r0, a value that is
though to be appropriate for protoplanetary disks. From the
measured radial velocity, we derive a migration timescale of
r0/|vr | = 1700 orbits. This is very short, but we point out
that these results were obtained for a strong vortex with a size
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GSF instability
Vertical shear instability (Goldreich-Schubert-Fricke=GSF) 

appears in «locally isothermal» discs: T(R)
can give 
[Urpin & Brandenburg (1998), MNRAS, 294, 399;
Urpin (2003), A&A, 404, 397;
Nelson+ (2012), arXiv:1209.2753]

Nelson+ (2012), arXiv:1209.2753
28

↵ ⇠ 10�3

R

Z



Hydro candidates are thermally driven. Precise heating/cooling computations are 
needed in order to assess their existence in discs.

Vortices are an interesting hypothesis since they can trap dust. But uncertainties 
remain regarding their evolution on long timescales.

Conclusions on hydrodynamical processes
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Observing transport mechanisms
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Indication of a large scale vortex at 63 AU

Vortex at the edge of a gap cleared by a giant planet?
Problem: a 10 MJup planet at 20 AU generates a vortex 
at 40 AU (assuming a                 disc)

Alternative scenario: baroclinic vortices?

Non-axisymmetric dust accumulation
the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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the standard core-accretion picture, dust grains
must grow from submicrometer sizes to rocky
cores ~10 times the mass of Earth (MEarth) within
the ~10-million-year lifetime of the circumstellar
disk. However, this growth process is stymied
by what is usually called the radial drift and
fragmentation barrier: Particles of intermediate
size [~1 m at 1 astronomical unit (AU) (1 AU =
1.5 ! 108 km = distance from Earth to the Sun),
or ~1 mm at 50 AU from the star] acquire high
drift velocities toward the star with respect to the
gas (3, 4). This leads to two major problems for
further growth (5): First, high-velocity collisions
between particles with different drift velocities
cause fragmentation. Second, even if particles
avoid this fragmentation, they will rapidly drift
inward and thus be lost into the star before they
have time to grow to planetesimal size. This
radial drift barrier is one of the most persistent
issues in planet formation theories. A possible
solution is dust trapping in so-called pressure
bumps: local pressure maxima where the dust
piles up. One example of such a pressure bump
is an anticyclonic vortex, which can trap dust
particles in the azimuthal direction (6–10).

Using the Atacama Large Millimeter/
submillimeter Array (ALMA), we report a high-
ly asymmetric concentration of millimeter-sized
dust grains on one side of the disk of the star
Oph IRS 48 in the 0.44-mm (685 GHz) con-
tinuum emission (Fig. 1). We argue that this can
be understood in the framework of dust trapping
in a large anticyclonic vortex in the disk.

The young A-type star Oph IRS 48 [dis-
tance from Earth ~120 parsecs (pc), 1 pc = 3.1 !
1013 km] has a well-studied disk with a large
inner cavity (a deficit of dust in the inner disk
region), a so-called transition disk. Mid-infrared
imaging at 18.7 mm reveals a disk ring in the
small dust grain (size ~50 mm) emission at an
inclination of ~50°, peaking at 55 AU radius or
0.46 arc sec from the star (11). Spatially resolved
observations of the 4.7-mm CO line, tracing 200
to 1000 K gas, show a ring of emission at 30 AU
radius and no warm gas in the central cavity
(12). This led to the proposal of a large planet
clearing its orbital path as a potential cause of
the central cavity. Although these observations
provide information about the inner disk dy-
namics, they do not address the bulk cold disk
material accessible in the millimeter regime.

The highly asymmetric crescent-shaped dust
structure revealed by the 0.44-mm ALMA con-
tinuum (Fig. 1) traces emission from millimeter-
sized dust grains and is located between 45 and
80 AU (T9 AU) from the star. The azimuthal
extent is less than one-third of the ring, with no
detected flux at a 3s level (2.4 mJy per beam) in
the northern part (fig. S1). The peak emission
has a very high signal-to-noise ratio of ~390, and
the contrast with the upper limit on the opposite
side of the ring is at least a factor of 130. The
complete absence of dust emission in the north of
IRS 48 and resulting high contrast make the
crescent-shaped feature more extreme than earlier
dust asymmetries (10, 13). The spectral slope
a of the millimeter fluxes Fn [0.44 mm com-
bined with fluxes at lower frequencies n (14)]
is only 2.67 T 0.25 (Fn º na), suggesting that
millimeter-sized grains (15) dominate the
0.44-mm continuum emission. However, the
gas traced by the 12CO 6-5 line from the same
ALMA data set indicates a Keplerian disk pro-
file characteristic of a gas disk with an inner
cavity around the central star (Fig. 1B). 12CO 6-5
emission is detected down to a 20 AU radius,
which is consistent with the hot CO ring at 30 AU
(14). This indicates that there is indeed still some
CO inside the dust hole, with a significant drop
of the gas surface density inside of ~25 T 5 AU.
The simultaneous ALMA line and continuum
observations leave no doubt about the relative
position of gas and dust.

The observations thus indicate that large
millimeter-sized grains are distributed in an asym-
metric structure, but that the small micrometer-
sized grains are spread throughout the ring. To
our knowledge, the only known mechanism that
could generate this separation in the distribution
of the large and small grains is a long-lived gas
pressure bump in the radial and azimuthal di-
rection. The reason that dust particles get trapped
in pressure bumps is their drift with respect to the
gas in the direction of the gas pressure gradient:
v!dust ! v!gas º "

!
p (3, 4), where v!dust and

v!gas are the dust and gas velocities and p is
the pressure. In protoplanetary disks without
vortices, this gradient typically points inward,
so dust particles experience the above-mentioned
rapid radial drift issue. If, however, there exists
(for whatever reason) a local maximum of the
gas pressure in the disk (i.e., where "

!
pgas ! 0

and "
!2pgas < 0), then particles would con-

verge toward this point and remain trapped
there (3, 5), avoiding both inward drift and
destructive collisions (14). Because small dust
particles are strongly coupled to the gas, they
will be substantially less concentrated toward
the pressure maximum along the azimuthal di-
rection than large particles. Various mechanisms
have been proposed that could produce a local
pressure maximum in disks; for instance, when
there is a “dead zone” (16) or a substellar com-
panion or planet (14, 17) in the disk, hindering
accretion. Until recently, however, the presence
of such dust pressure traps was purely speculative,
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Fig. 1. IRS 48 dust and gas observations. The
inclined disk around IRS 48 as observed with ALMA
Band 9 observations, centered on the star (white
star symbol). The ALMA beam during the observa-
tions is 0.32!! ! 0.21!! and is indicated with a white
ellipse in the lower left corner. (A) The 0.44-mm
(685 GHz) continuum emission expressed both in
flux density and relative to the root mean square
(rms) level (s = 0.82 mJy per beam). The 63 AU
radius is indicated by a dashed ellipse. (B) The
integrated CO 6-5 emission over the highest ve-
locities in contours (6,12,...,60sCO levels, sCO =
0.34 Jy km s!1): integrated over –3 to 0.8 km s!1

(blue) and 8.3 to 12 km s!1 (red), showing a sym-
metric gas disk with Keplerian rotation at an in-
clination i = 50°. The green background shows the
0.44-mm continuum. The position angle is indi-
cated in the upper right corner. (C) The Very Large
Telescope Imager and Spectrometer for the mid-
infrared (VISIR) 18.7-mm emission in orange con-
tours (36 to 120sVISIR levels in steps of 12sVISIR,
sVISIR = 0.2 Jy arc sec!2) and orange colors,
overlayed on the 0.44-mm continuum in green
colors and the 5s contour line in green. The VISIR
beam size is 0.48!! in diameter and is indicated
with an orange circle in the bottom right corner.
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0.44-mm continuum emission CO 6-5 emission velocity 
contour

18.7 μm emission (orange)

[van der Marel+ (2013), Science, 340, 1199]

 
 

16 
 

Fig. S4. Three snapshots in time of the resulting gas surface density of a disk with a 10 
MJup FRPSDQLRQ�DW����$8�DIWHU������FRPSDQLRQ�RUELWV��VLPXODWHG�ZLWK�)$5*2�
hydrodynamical code. The companion is indicated with a white cross. The gas surface 
density was used to model the trapped dust in pressure bumps (Fig. S5B), to simulate the 
observed dust trap around IRS 48 (Fig. 2).  
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Fig. S4. Three snapshots in time of the resulting gas surface density of a disk with a 10 
MJup FRPSDQLRQ�DW����$8�DIWHU������FRPSDQLRQ�RUELWV��VLPXODWHG�ZLWK�)$5*2�
hydrodynamical code. The companion is indicated with a white cross. The gas surface 
density was used to model the trapped dust in pressure bumps (Fig. S5B), to simulate the 
observed dust trap around IRS 48 (Fig. 2).  
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Turbulence in the inner disc (0.1 AU)?

Spectrum (black) of V1331 Cyg in the 2.3 μm region (H2O+CO)

Model (red) with a 4 km/s line broadening (CO thermal dispersion 0.9km/s)

Signature of sonic turbulence? (winds excluded: no line asymmetry)

32
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Figure 3. Observed spectrum of V1331 Cyg in the region blueward of the v = 2–0 CO band head (black histogram) along with a synthetic disk spectrum that provides
a fit to the water emission from this region (dotted line). The water line list covers a limited spectral region, from ! 2.287 µm to ! 2.30 µm.
(A color version of this figure is available in the online journal.)

Figure 4. Observed spectrum of V1331 Cyg in the 2.3 µm region (black histogram). A model in which the CO-to-H2O abundance ratio is much lower than in chemical
equilibrium (dotted line) provides a fit to the water and CO emission from this region (see the text for details).
(A color version of this figure is available in the online journal.)

14 km s"1 when smoothed to the 8.5 km s"1 resolution of
the two pixel NIRSPEC slit and assuming no microturbulent
broadening. The strength of the emission can be fit assuming
an annular emitting region extending from an inner radius of
Rin = 5.5 R# to an outer radius of Rout = 5 Rin. For the
assumed stellar mass and the low value of v sin i required
at the inner radius, Rin = 5.5 R# corresponds to a face-on
inclination of 3$. The observed emission features are well fit
with a topocentric velocity of "29 km s"1, in good agreement
with the system radial velocity (vLSR = "0.7 km s"1; Levreault
1988; McMuldroch et al. 1993).

We can obtain a reasonable fit to both the CO and water emis-
sion using the differentially rotating disk model (Figure 4). The
model parameters for this fit are a radial temperature distribution
T = 4100(r/Rin)"0.55 and a line-of-sight column density that
varies as ! = 40 g cm"2 (r/Rin)"0.6 between an inner radius
of Rin = 2.3 R# and an outer radius of Rout = 15 Rin. The line-
of-sight rotational velocity at Rin is v sin i = 23 km s"1, and
4 km s"1 of Gaussian microturbulent broadening is assumed
throughout. The v sin i and the microturbulence are jointly con-
strained by the widths of the isolated water and CO lines, the
beating of the CO lines immediately redward of the band head,
and the strengths of the CO lines far from the band head com-
pared to the strength of the band head. The 4 km s"1 local line
broadening used in the fit is in excess of the thermal dispersion

of 0.9 km s"1 for CO at 2500 K and comparable to the sound
speed at that temperature.

Since the relative strength of the CO emission compared to the
water emission is much larger than expected for a CO-to-H2O
abundance ratio in chemical equilibrium, the water abundance
in the fit is therefore scaled down by a factor of 0.2 relative to its
chemical equilibrium value. Because the water emission is less
optically thick in this model than in the model shown in Figure 3,
the weaker water lines (e.g., at 2.2907 µm and 2.2921 µm) are
underfit in the model compared to Figure 3.

In the model, the CO emission forms over radii !1–7 Rin,
whereas the water emission forms at larger radii ! 2.2–7.5 Rin.
Since the CO emission extends into smaller disk radii (and
higher disk rotational velocities) than the water emission, the
water lines are narrower than the CO lines in the synthetic
spectrum, in agreement with the observations.

As a caveat, we note that for a source with the properties
assumed above, the SED of V1331 Cyg would imply significant
veiling, with an optical excess that is 1.7 times the strength of
the stellar continuum. Significant veiling at optical wavelengths
may help to explain the lack of stellar absorption lines in the
optical spectrum of this source (Chavarria 1981). If V1331 Cyg
actually experiences little or no optical veiling, the SED would
be better fit with a stellar luminosity of 28 L# and a stellar
radius of 3.4 R#. In such a case Rin would have to be larger, and

[Najita+ (2009), ApJ, 691, 738]



Turbulence in the outer disc?

CS J=3-2 transition in DM-tau

Best fit gives a turbulent broadening ~0.11 km/s at 300 AU

Signature of turbulence at ~50% of the sound speed?
33

see also [Hughes+ (2011), ApJ, 727, 85]
[Guilloteau+ 2012, A&A, 548, 70]

A&A 548, A70 (2012)

Table 1. Disk parameters and fit results.

Geometric Adopted Fitted
parameter value value from CS
Distance (pc) 140
PA (!) 65 65 ± 2
i (!) –35 "35 ± 1
VLSR 6.08 6.08 ± 0.02
V100 (†) 2.16 2.17 ± 0.10
M# (M$) 0.54 0.54 ± 0.04
h –1.25
Fitted Density model
value (A) Power law (B) Tapered edge Note
!2 2 468 353 2 468 336
H0 (AU) (a) [16] 9 ± 1.5 (1)
T0 (K) (b) 7.2 ± 0.4 8.0 ± 1.3
q 0.63 ± 0.09 0.60 ± 0.20
!CS (cm"2) (b) 5.9 ± 2.5 % 1012 – (2)
XCS (b) – 4.2 ± 4.8 % 10"10 (2)
pCS 0.13 ± 0.20 0.39 ± 0.18
!d (cm"2) – &1021.7±0.1 (3)
Rout (AU) 540 ± 10 >580
dV0 (km s"1) (b) 0.13 ± 0.03 0.12 ± 0.025
eV 0.38 ± 0.45 [0.3] (1)

Notes. (†) Rotation velocity (km s"1) at 100 AU, which determines the
stellar mass M#. (a) at 100 AU, (b) at 300 AU. (1) A number between
brackets [] indicate a fixed parameter. (2) Large errorbar due to strong
coupling with temperature. (3) Error bar not symmetric; derivation from
covariance matrix inaccurate.

where µ = 44 is the CS molecular weight and mH the atomic
mass unit. We note that "V(r) is a half width at 1/e and that
the full width at half maximum would be 1.66 times larger. The
turbulent component is also parameterized by a power law

"Vtu(r) = dV0

!
r

Rv

""ev

· (9)

Finally, CS is assumed to be homogeneously distributed in
the z direction, with a scale height given by the disk midplane
temperature. The density is given by

nCS =
!CS'
#H(r)

exp
#
"(z/H(r))2

$
(10)

and the scale height is set to

H(r) = H0(r/Rh)1.25 (11)

with H0 = 16 AU at Rh = 100 AU. This definition leads to
a scale height that is

'
2 times larger than the H(r) = cs/#K

convention, where cs is the sound speed and #K the Keplerian
angular velocity.

All the other geometric disk parameters (systemic velocity,
inclination and position angle of the disk axis) were taken from
the analysis of the CO isotopologues performed by Piétu et al.
(2007). We also checked that CS gave consistent results with
these independent measurements and that the errorbars on these
geometric parameters did not a$ect the other derived parameters.
A summary of the disk characteristics is given in Table 1.

Synthetic images are generated using the radiative trans-
fer code DISKFIT, and model visibilities computed for each of
the observed u, v points. Minimization on the disk free param-
eters is then made using a !2 criterion based on the di$erence
between the observed and simulated visibilities. This process

Fig. 4. Derived nonthermal linewidth dV0 at Rv = 300 AU as a function
of assumed kinetic temperature profile. T0 is the temperature at Rt =
300 AU. The 4 curves correspond to di$erent exponents q = 0 (red),
0.2 (green), 0.4 (blue), and 0.6 (cyan). Errorbars are ±1$.

avoids the nonlinearities that result from deconvolution. A mod-
ified Levenberg-Marquardt method is used to locate the minima,
with multiple restarts to avoid secondary minima. The linewidths
we are searching for are not very large compared to the e$ec-
tive correlator resolution (0.126 km s"1, see Sect. 2). Thus, we
simulated the correlator spectral response by oversampling by
a factor 4 in velocity space, i.e., using a velocity sampling bin
of 0.02 km s"1, followed by a convolution with a kernel mimick-
ing the Welch apodization. This kernel extended over 12 consec-
utive channels in the oversampled frequency space.

Under these assumptions, the CS(3–2) line emission can
be used to constrain !0, p, T0, q, dV0 and ev. Errobars around
the minimum are derived from the covariance matrix. A proper
choice of the pivot values Rt,Rv,Rs must be made to minimize
the errors on the power laws (see Piétu et al. 2007, for de-
tails). With our angular resolution and CS images, Rt = Rv =
Rs = 300 AU is a good compromise. A degeneracy occurs be-
tween !0 and T0 if the line is optically thin (for example, in the
high temperature limit, the emission only depends on !0/T0),
but this degeneracy is broken if the surface density profile is
steep enough to produce an optically thick core (see Dutrey
et al. 2007). Indeed, from a global fit, we find T (r) = (7.2 ±
0.4)(r/300 AU)"0.63±0.09 K. Assuming this temperature to be the
kinetic temperature, we find an intrinsic nonthermal half width
at 1/e, "Vtu(r) = 0.13 ± 0.03(r/300 AU)"0.38±0.45 km s"1. The
outer radius is found to be 540 ± 10 AU.

The derived excitation temperature is unlikely to di$er much
from the kinetic temperature, because the densities in the disks
are substantially higher than the CS(3–2) critical densities, even
at the outer radius. To explain the observed total intrinsic width
by thermal motions ("Vth =

%
2kT (r)/µCSmH, with µCS = 44)

would require a high value of T ( 50 K at 300 AU. This simple
analysis thus indicates that pure thermal motions cannot repro-
duce the observed emission pattern, under the assumptions of
Model A.

To strengthen this conclusion, as our main goal is to con-
strain "Vtu(r), we also explored a much wider range of possible
temperature profiles, varying T0 and q. Results for dV0 as a func-
tion of assumed T0 are given in Fig. 4 for four values of q =
0, 0.2, 0.4, and 0.6. In each case, because the exponent ev is not
well constrained, we assumed ev = q/2, which corresponds to
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Conclusions on observations

34

Non thermal broadening of spectral lines probably due to subsonic motions (could be 
turbulence, but could also be vortices or wind in the outer disc).
Indications of large scale vortices. Planet scenario not entirely satisfactory (baroclinic 
vortices?).

Perspectives:

Higher resolution observations should make the distinction between small scale structures 
(~turbulence) and large scale features (vortices, wind)



Conclusions & perspectives

35

Magnetically dead zone 
(hydrodynamically active?)

~1AU ~10-30AU

MRI (+self gravity?)MRI

Magneto-centrifugally driven wind ?

Ohmic
diffusion Hall effect+

Ambipolar diffusion Ambipolar diffusion

jet basis?

Magnetically dead zones are the current bottleneck in transport theory

Is the dead zone really magnetically dead? (improve chemistry)

Need for global wind models including all of the nonideal MHD effects

Go beyond simplistic thermodynamics: realistic equation of state with radiative transfer 
(& chemistry ?)


